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Abstract

Using one-dimensional numerical simulations, we study the elementary process of

Alfv én wave reflection in a uniform medium, including nonlinear effects. In the linear

regime, Alfv́en wave reflection is triggered only by the inhomogeneity of the medium,

whereas in the nonlinear regime, it can occur via nonlinear wave-wave interactions. Such

nonlinear reflection (backscattering) is typified by decay instability. In most studies of

decay instabilities, the initial condition has been a circularly polarized Alfvén wave. In

this study we consider a linearly polarized Alfvén wave, which drives density fluctuations

by its magnetic pressure force. For generality, we also assume a broadband wave with a

red-noise spectrum. In the data analysis, we decompose the fluctuations into characteristic

variables using local eigenvectors, thus revealing the behaviors of the individual modes.

Different from circular-polarization case, we find that the wave steepening produces a

new energy channel from the parent Alfvén wave to the backscattered one. Such nonlinear

reflection explains the observed increasing energy ratio of the sunward to the anti-sunward

Alfv énic fluctuations in the solar wind with distance against the dynamical alignment

effect.
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要旨

我々は一次元数値シミュレーションを用いて一様場中でアルフベン波が非線形効

果を介して反射する素過程の研究を行った。線形の範囲では、アルフベン波は背景

場の非一様性に応答して反射する。一方非線形効果を含めると、アルフベン波は背

景場が一様でも反射を起こすことができる。そのような非線形反射（あるいは逆方

向散乱）の典型的な例として減衰不安定が挙げられる。減衰不安定に関するほとん

どの研究では円偏波アルフベン波を初期条件として課すが、本研究では直線偏波ア

ルフベン波を考察する。また一般のため、我々はアルフベン波は単色ではなく赤色

スペクトルを持つ広帯域波を考察する。計算結果の解析では擾乱量を磁気流体の特

性量ごとに分解し個々の波動の振る舞いを明らかにする。この結果円偏波の場合と

異なり、アルフベン波の突っ立ちが反射波への新たなエネルギーの流れを形成する

ことを発見した。このような非線形反射過程は太陽風中でのアルフベン波の時間発

展の様子が磁気流体乱流の基礎的な性質に反する理由を説明できる。
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Chapter 1

General Introduction

The solar atmosphere shows an anomalous temperature structure. The temperature of

the solar surface (called photosphere) is around6000 K. Observed line profiles suggest

that there is a temperature-minimum region around500 km above the photosphere, where

the temperature is thought to be around4000 K (Vernazza et al., 1981). The solar atmo-

sphere increases its temperature with height beyond this temperature-minimum region,

above which the atmosphere is called chromosphere. The temperature drastically changes

with height above the chromosphere, and finally reaches106 K. This high-temperature

outer atmosphere is called corona. Since the energy source of a star exists around its

center, the atmospheric temperature should naturally decrease with height. This contra-

dictory feature gives us a challenging problem; the coronal heating problem. The coronal

heating problem is strongly related with another important one, that is, the solar wind

acceleration problem. Classically, the solar wind acceleration was thought to be a natural

consequence of the coronal heating (Parker, 1958). Parker’s theory, however, is revealed

to be insufficient to explain the solar wind velocity observed by spacecrafts. Therefore,

another energy source is required to explain the observed velocity. Detecting the energy

sources of the coronal heating and solar wind acceleration is a fundamental problem in

the solar physics.

A promising model that simultaneously explains both coronal heating and solar wind
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acceleration is the Alfv́en wave model. In the framework of this model, Alfvén waves

strongly dissipate in the corona to supply the thermal energy. In addition, strong dis-

sipation of Alfvén waves results in the rapid decrease of their amplitude, leading to the

strong wave pressure force that accelerates the solar wind. Many theories based on Alfvén

wave modeling are suggested to explain the coronal heating and solar wind acceleration

(Matthaeus et al., 1999; Dmitruk et al., 2002; Suzuki, 2004; Cranmer & van Ballegooi-

jen, 2005; Verdini & Velli, 2007). In particular, some models are self-consistent, in that

they solve the background and fluctuations simultaneously (Suzuki & Inutsuka, 2005;

Cranmer et al., 2007; Verdini et al., 2010; Matsumoto & Suzuki, 2014). These models,

however, incorporate physical processes only partially. In order to give a conclusion to

this problem, we need to solve numerically three-dimensional magnetohydrodynamics

(MHD) equations with high-enough resolution, which is not realistic. As a preparation

for such future global simulations, studying a related elementary process is important.

Observations of Alfv́en waves in the solar wind also show a mysterious behavior.

Measurements by Ulysses showed that the Elsässer ratio in the solar wind, defined as the

energy ratio of anti-sunward to sunward Alfvén waves, increase with distance (Bavassano

et al., 2000). This observation indicates strong Alfvén-wave reflection, because otherwise

the Els̈asser ratio decreases following the dynamical alignment (Dobrowolny et al., 1980;

Stribling & Matthaeus, 1991). Since the simple linear reflection is proved to be insuffi-

cient to explain the observation (Cranmer & van Ballegooijen, 2005), we need to consider

another reflection process including nonlinear effects.

The remainder of this chapter is organized as follows. We first briefly explain the solar

corona and the solar wind in section 1.1 In section 1.2, we introduce the Alfvén wave

modeling of the solar corona and solar wind. In section 1.3, we review the observations

of Alfven wave evolution in the solar wind. In the last subsection of these two sections,

we introduce remained problems. In the last section of this chapter, we summarize the

introduction and clarify the motivation of this study.
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1.1 Observations of the solar corona and solar wind

1.1.1 corona

Corona is the outer part of the solar atmosphere, whose temperature reaches around

one-million kelvin. Due to its high temperature and low number density(∼ 108−9 cm−3),

the solar corona is not observed in the visible spectral region, unless a solar eclipse occurs.

It effectively emits, on the other hand, X-rays (by bremsstrahlung) and EUV spectral

lines (by bright lines of some highly ionized ions), which are thus used for the coronal

photography. In Figure 1.1, we show typical photos of the corona taken by soft X-rays

and EUV spectral lines, respectively. The corona is far from uniform but is classified into

Figure 1.1: Images of the solar corona. Left image is taken by Hinode/XRT, while right
one is by SDO/AIA. Notice that two images correspond to different dates.

three regions; active regions, quiet regions, and coronal holes. The active regions are the

brightest regions in X-ray and EUV images, which accompanies loop-like structures. In

the right panel of Fig. 1.1, many active regions are seen near the equator. Coronal holes

are the darkest regions on the solar surface. This is due to their low density, typically

one-hundred times lower than the active region. The left panel of Fig. 1.1 shows clear

coronal holes near the north pole and close to the active regions. The solar coronal regions
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classified as neither active regions nor coronal holes are called quiet suns, which are

actually not ”quiet” at all.

What characterizes the coronal properties is thought to be the magnetic field. Mag-

netic fields in the corona are difficult to measure, while at the surface (photosphere), they

are observable. Extrapolated magnetic field, assuming a potential or force-free condi-

tions, reveals the relation between magnetic fields and coronal structures. For example,

the coronal holes correspond to the open filed regions, where the magnetic field lines are

not closed but open to the interplanetary space. The active regions are, on the other hand,

closed magnetic loops whose magnetic fields are strong (∼ 100 Gauss). Throughout this

study, we focus on the coronal holes, that is, the open field regions.

The magnetic field structure is important in understanding the generation of Alfvén

waves. In Fig. 1.2, we show a schematic picture of the fractal structure of the magnetic

Figure 1.2: Schematic pictures of the magnetic field structures in coronal holes (Cranmer
& van Ballegooijen, 2005). Left, center and right panels show the smallest magnetic
structure on the solar surface called magnetic patches, middle-scale structure composed
of many patches, and the global structure during the solar minimum, respectively.

fields in coronal holes (left two panels) and the global magnetic field structure in the solar

minimum, which is approximated by a dipole field (Cranmer & van Ballegooijen, 2005).

The left panel shows the smallest structures of the magnetic field at the solar surface,

called magnetic patches. The solar surface is composed of many convection cells called

granulation. The magnetic patches are such regions where the magnetic field strengths
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are enhanced locally, and exist between the granulation cells. These magnetic patches

are accumulated by the larger-scale convection cells, called super-granulations, to form

a larger-scale magnetic structure (middle panel). Combination of this middle-scale mag-

netic structure forms a global solar magnetic field. Since the magnetic patches are con-

vected transversely by the convective motion, upward Alfvén (or kink) waves are excited.

In this way, the solar convection naturally generate upward energy flux of Alfvén waves,

which has enough energy to power the corona and solar wind (Fujimura & Tsuneta, 2009).

1.1.2 solar wind

The solar wind is a supersonic outflow of plasma from the Sun. In Figure 1.3, we

Figure 1.3: Image of the solar wind taken by SOHO/LASCO. A white circle in this figure
represents the original size of the Sun.

show a typical image of the solar wind by SOHO/LASCO. In this observation, we hide

the sun artificially to observe the photon scattered in the solar wind (Thomson-scattering).

In general, outflows from astronomical objects called winds are often seen, whose driving

mechanisms are usually unclear. Outflows affect the evolutions of astronomical objects,
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because they emit the mass and angular momenta of the central objects. As the solar

wind is a typical wind, identifying the driving mechanism is a basis for understanding

astronomical winds. Besides, since the solar wind advects the magnetic field originat-

ing from the sun, it mediates the solar activities and the response of the magnetosphere.

Therefore, the evolutions of fluctuations in the solar wind is essential in understanding the

solar-terrestrial system. Moreover, the solar wind is the only space plasma that we can

measure the physical values by in-situ observation. The solar wind is in a fully-developed

turbulent state and contains not only MHD-scale but also kinetic-scale fluctuations. In

this sense, the solar wind is an ideal and only laboratory of the space plasma turbulence.

Theoretical modeling of the solar wind dates to the historical work by Parker (1958).

He showed that a stellar atmosphere, whose electron thermal velocity exceeds the escape

velocity of the star, naturally forms a supersonic outflow. In-situ observations (about ten

years after the Parker’s work) of the solar wind near the earth revealed that the flow ve-

locity (∼ 400 km s−1) and magnetic field inclination (called Parker spiral) are roughly

consistent with what Parker predicted (Eastwood et al., 2002). The later observations

showed that the solar wind contained also faster(∼ 700 km s−1) component, which is

now called “fast solar wind”. This component has larger speed beyond Parker’s predic-

tion. As a counterpart, slower flow is called “slow solar wind”.

In Figure 1.4, we show the latitudinal distribution of the solar wind velocity observed

by Ulysses (McComas et al., 2003). During the solar minimum (left panel), fast and slow

solar winds show clear distributions with sharp boundary between them. During the solar

maximum (right panel), on the other hand, the velocity distribution becomes much more

chaotic. Relation between images of the solar corona and the distributions of the solar

wind velocity indicates that the configuration of the solar wind is closely connected with

that of the solar corona. After the discovery of the fast solar wind, theoretical explanation

of its formation became the next main goal for the solar wind researchers.

Observation of the fluctuations in the solar wind also showed an interesting feature.

In Figure 1.5, we show the observations of the solar wind fluctuations (Belcher & Davis,
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Figure 1.4: Polar plots of solar wind speed as a function of latitude for Ulysses’ first two
orbits (McComas et al., 2003). Sunspot number (bottom panel) shows that the first two or-
bit occurred through the solar cycle declining phase while the second orbit spanned solar
maximum. Both are plotted over solar images characteristic of solar minimum and maxi-
mum; from the center out, these images are from SOHO/EIT, Mauna Loa K-coronameter,
and SOHO/LASCO.

1971), showing the velocity and magnetic field fluctuations with mean magnetic field

strength and the proton density at the bottom. In this case, the average magnetic field is

sunward. From the strong correlation between magnetic field and velocity fluctuations

and the weak density fluctuation, they concluded that the fluctuations are mainly com-

posed of purely anti-sunward Alfvén waves. They also showed that the amplitudes of

Alfv én waves are comparable to the mean field. Goldstein et al. (1995) showed clear dif-

ferences between the fluctuations in the fast and slow solar winds. Figure 1.6 shows the

observations of plasma and magnetic field in the inner heliosphere. The top panel in this

figure shows the velocity of the solar wind, while the third and fourth panels represent the

amplitudes of anti-sunward and sunward Alfvén waves (Els̈asser variables), respectively.
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Figure 1.5: Magnetic field and plasma data in the solar wind (Belcher & Davis, 1971). The
upper sic curves are bulk velocity components inkm s−1 (diagonal lines) and magnetic
field components ingamma (horizontal and vertical lines). The lower two curves are
magnetic field strength and proton number density.

There is a positive correlation between the bulk velocity of the solar wind and the ampli-

tude of anti-sunward Alfv́en waves. This correlation strongly suggests that Alfvén wave

plays some role in accelerating the solar wind.

1.1.3 relation between solar corona and solar wind

As is suggested by Fig. 1.4, there is a certain relation between the solar corona and

the solar wind. By tracking the trajectories extrapolated from the observed data, it is re-

vealed that the fast solar winds originate from coronal holes. The frozen-in temperature,

which is calculated from the ionization state, also supports this fact, that is, the frozen-in

temperature of the slow solar wind is higher than that of the fast solar wind. Since the

frozen-in temperature of the solar wind is expected to show the temperature of the source

region, this observational fact shows that the fast and slow solar winds blow from low-
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Figure 1.6: Small-scale features constructed from Helios data (Goldstein et al., 1995).
From top to bottom: the speed of the solar wind, the normalized cross helicity, the ampli-
tude of the anti-sunward Elsässer variable, the amplitude of the sunward Elsässer variable,
the relative density fluctuations, the Alfvén ratio (kinetic energy over magnetic energy),
and the correlation between density and magnetic field strength.

and high-temperature regions. More quantitative research was performed by Wang &

Sheeley (1990) and Arge & Pizzo (2000). They derived the relationship between the ex-
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Figure 1.7: Schematic picture of the potential field source surface model (Schatten et al.,
1969). Regions 1, 2 and 3 represent the sun, the potential field region and the Parker spiral
region, respectively.

pansion factor of the magnetic field calculated by the potential field source surface model

(Schatten et al., 1969), and the solar wind velocity. Figure 1.7 represents a schematic

picture of the model. In the Parker spiral region, the magnetic field is assumed to follow

the Parker spiral (radial advection by the flow). The boundary condition between the sun

and the potential field region is given by the observation (i.e., photospheric value), while

across the boundary between the potential field region and the Parker spiral region, which

is called the source surface, the magnetic field is required to be smooth. By investigat-

ing the magnetic field configuration and the solar wind velocity, Wang & Sheeley (1990)

showed that the solar wind velocity at 1 AU is related with the expansion factorf . The

expansion factor, which represents the degree of expansion of the magnetic flux tube, is
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defined as

f(P ) =

(
R⊙

Rs

)2
B(P )

B⊙(P )
, (1.1)

whereP represents a point on the source surface,B(P ) is the magnetic field strength at

P , B⊙(P ) is the magnetic field strength at a point on the solar surface which is connected

with P via the field line, andRs is the radius of the source surface. The relation between

the solar wind velocity and the expansion factor, modified later by Arge & Pizzo (2000)

and called WSA model, is given as

VSS(f) = 267.5 + 410 f− 2
5 km s−1, (1.2)

whereVSS is the velocity at the potential field. Figure 1.8 shows the comparison between

Figure 1.8: Comparison between WSA model and observation (Arge & Pizzo, 2000). The
solid circles and the solid line represent the solar wind velocities obtained by WSA model
and the observation, respectively.

WSA model and the observation (Arge & Pizzo, 2000). WSA model agrees with the

observation, which shows the essential role of the expansion factor to the solar wind

velocity. Since the expansion factors of coronal holes and active regions are relatively

small and large, respectively, Eq. (1.2) shows the source regions of the fast solar wind are
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coronal holes. Explaining this empirical law is required for the theoretical models of the

solar wind.

1.2 Alfvén wave modeling of the corona and solar wind

1.2.1 acceleration of fast solar wind: wave pressure model

Since the existence of large-amplitude Alfvén waves in the solar wind is shown by in-

situ observations (Fig. 1.5), they are considered to play a critical role in accelerating the

fast solar wind. In other words, Alfv́en wave pressure force (Dewar, 1970) is a promising

candidate of the additional accelerator of the solar wind. In Figure 1.9, we show a typ-

Figure 1.9: Effect of Alfv́en wave pressure to the solar wind velocity (Belcher, 1971).
The two solid lines, which represent the solar wind velocity with (upper line) and without
(lower line) Alfvén waves.

ical result of the theoretical work by Belcher (1971). Although the velocity at 1 AU is

smaller than the observed one, this figure clearly shows that Alfvén waves can effectively

accelerate the solar wind. Later researches based on the linear analysis of the Alfvén

wave pressure in the solar wind (Jacques, 1977; Heinemann & Olbert, 1980) show that, if

Alfv én waves propagate without dissipation, the acceleration is too slow compared with
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the observations. Since the Reynolds number of the solar corona is very large, nonlinear

interactions and resultant energy cascade are necessary for the dissipation. Dissipation

of Alfv én waves are, on the other hand, consistent with the coronal heating, because it

should naturally supply thermal energy into the ambient plasma. In this way, coronal

heating and solar wind acceleration are now regarded as the same problem, that is, dissi-

pation of Alfvén waves in the corona and the solar wind.

1.2.2 dissipation of Alfv́en waves: I compressible process

Nonlinear dissipation of Alfv́en waves can occur by two main candidate mechanisms:

compressible and incompressible processes. We first introduce the first mechanism, that

is, nonlinear coupling between Alfvén and compressible waves initiate an energy cas-

cade by steepening. When the medium is compressible, large-amplitude Alfvén waves

except circularly polarized ones evolve to discontinuities. In Figure 1.10, we show a typ-

Figure 1.10: Evolutions of the temporal dependences of the initially harmonic nonlinear
Alfv én waves with the distance from the Sun (Nakariakov et al., 2000). The solid line
shows the variation of the velocity at the solar surface, the dotted line at about2R⊙, the
dashed line at5R⊙, and the dotted-dashed line at9R⊙.
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ical evolution of a linearly polarized Alfv́en waves in coronal holes (Nakariakov et al.,

2000). The solid line shows the velocity fluctuations of Alfvén waves at the solar sur-

face, while the dotted-dashed line, which clearly shows the steepening of wave, shows

those at the extended corona (r = 9R⊙). Note that the shape of the steepened wave

is quite different from the acoustic shock wave. This direct steepening of a nonlinear

Alfv én wave is analytically explained by many researchers (Montgomery, 1959; Cohen

& Kulsrud, 1974; Kennel et al., 1990). In addition, Alfvén waves can be dissipated by

generating acoustic waves, which is called mode conversion process. Except monochro-

matic and circularly polarized ones, Alfvén waves can generate acoustic waves via their

magnetic pressure (Hollweg, 1971), which also steepen into shock waves. This steepen-

ing and mode conversion process are suggested to explain many solar phenomena such as

spicule formation (Hollweg et al., 1982; Kudoh & Shibata, 1999; Matsumoto & Shibata,

2010), coronal heating (Moriyasu et al., 2004; Suzuki & Inutsuka, 2005, 2006; Antolin

et al., 2008; Matsumoto & Suzuki, 2014), and solar wind acceleration (Suzuki & Inut-

suka, 2005, 2006; Matsumoto & Suzuki, 2014). Figure 1.11 shows a result of Suzuki &

Inutsuka (2006), one of the representative models based on the compressible process. In

their model, by the direct steepening and mode conversion of Alfvén waves, coronal heat-

ing and solar wind acceleration are explained self-consistently as a natural consequence

of Alfv én wave dissipation. Theoretical values (red lines) surprisingly agree with the

observational ones (symbols). Since Suzuki & Inutsuka (2006) studied one-dimensional

geometry, they neglected multi-dimensional effects, which is now considered to be im-

portant.
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Figure 1.11: Results of Suzuki & Inutsuka (2006). The four panel represents from the top
solar wind velocity, temperature, electron density, and the root-mean-square amplitude of
the velocity fluctuations, respectively. In the four panels, black dashed lines indicate the
initial conditions and red solid lines are at the quasi-steady state. Symbols are observa-
tional values.
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1.2.3 dissipation of Alfv́en waves: II incompressible process

The second mechanism for dissipation is Alfvénic turbulence, which is a kind of

incompressible MHD turbulence with a strong mean magnetic field (Iroshnikov, 1964;

Kraichnan, 1965; Goldreich & Sridhar, 1995). In this turbulence, the cascade process is

anisotropic (,i.e., perpendicular to the mean field) and is triggered by the interaction of

two bidirectional Alfv́en waves. In coronal holes, the Alfvénic turbulence can be effec-

Figure 1.12: Example of Alfv́enic turbulence in the corona (Dmitruk et al., 2002). Left
and right panels show the distributions of the current density at the coronal base and the
middle corona, respectively.

tive, because, due to nonuniform Alfvén speed, Alfv́en waves generated by photospheric

motions are linearly reflected (Ferraro & Plumpton, 1958; An et al., 1990; Velli, 1993;

Cranmer & van Ballegooijen, 2005; Hollweg & Isenberg, 2007) and interact with the

original anti-sunward Alfv́en waves, leading to the development of Alfvénic turbulence.

The resulting interaction between the original anti-sunward and reflected sunward waves

triggers Alfvénic turbulence. Figure 1.12 shows a typical results of the Alfvénic tur-

bulence in the corona calculated by a three-dimensional numerical simulation (Dmitruk

et al., 2002). The ordered distribution of the current density at the coronal base (left panel)

becomes turbulent in the middle corona (right panel), leading to the ohmic dissipation.

This turbulence model is also suggested as a candidate for coronal heating and solar
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Figure 1.13: Wind speed, temperature, density, turbulence level, and normalized cross
helicity obtained by Verdini et al. (2010). Differences of lines show the differences of
parameters. Symbols show the observational values.

wind acceleration (Cranmer et al., 2007; Verdini et al., 2010) using a phenomenological

turbulent dissipation model (Hossain et al., 1995; Dmitruk et al., 2002; Chandran et al.,

2009). Figure 1.13 shows the results of a self-consistent calculation based on the incom-

pressible process (Verdini et al., 2010). Similar as Fig. 1.11, theoretical values show

good agreements with the observations. As shown in recent three-dimensional numeri-

cal simulations using a reduced MHD approximation, Alfvénic turbulence can heat both

closed coronal loops (van Ballegooijen et al., 2011) and open coronal holes (Woolsey &

Cranmer, 2015).
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1.2.4 remained problem: Alfvén wave reflection by compressible waves

Figure 1.14: Comparison of the amount of Alfvén wave reflection. Left and right panels
show the results of compressible case (Suzuki & Inutsuka, 2006) and incompressible case
(Cranmer & van Ballegooijen, 2005).

The amount of reflected wave energy flux is of critical importance in the Alfvénic

turbulence models, because the reflection rate directly affects the energy input rate of tur-

bulence. Most studies on turbulence-driven coronal heating and solar wind acceleration

have assumed locally incompressible (Zhou & Matthaeus, 1990) or nearly incompressible

(Zank & Matthaeus, 1992) plasma. That is, they assume that the small-scale fluctuations

are completely incompressible, while the large-scale background is compressible to per-

mit the stratification and acceleration. In this framework, the role of acoustic waves are

excluded because the fluctuations are assumed to be incompressible and composed of

only Alfv én waves. However, Alfv́en waves can be reflected by nonlinear interactions

with compressible waves. The best-known example of such nonlinear reflection is the

decay instability (Sagdeev & Galeev, 1969; Goldstein, 1978; Hoshino & Goldstein, 1989;

Del Zanna et al., 2001). The decay instability is an unstable process in low-beta plasmas
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in which an Alfvén wave decays via the three-wave resonance into two daughter waves:

a backward Alfv́en and a forward acoustic waves. Since the plasma beta is thought to be

much smaller than unity(∼ 0.01), the decay instability can efficiently work as a reflec-

tion trigger in the corona. In fact, Suzuki & Inutsuka (2005) investigated a compressible

heating/acceleration model and reported significant reflection of Alfvén waves. Figure

1.14 shows the comparison of the reflection ratio between compressible (Suzuki & Inut-

suka, 2005) and incompressible (linear) (Cranmer & van Ballegooijen, 2005) cases. At

r = 2R⊙, the compressible case (left panel) shows that the amplitude of the sunward

wave is comparable with the anti-sunward wave, while in the incompressible case (right

panel), the amplitude of the reflected wave is30− 40 times lower than the original wave.

This means that, in terms of the energy flux, compressible case shows100 − 1000 times

larger amount of reflection than the incompressible case. Therefore the role of compress-

ibility in reflection triggering should not be discounted. To more realistically model the

corona and solar wind, it is necessary to elucidate the elementary processes of Alfvén

wave reflection caused by nonlinear interactions with compressible modes. This problem

has motivated the study in this thesis.

1.3 Evolutions of Alfvén waves in the solar wind

1.3.1 observations of Els̈asser ratio in the solar wind

Alfv én wave evolution in the solar wind gives us another important problem, i. e.,

effective reflection in the solar wind. Since the fluctuations in the solar wind, which are

in well-developed turbulent state, are mainly composed of the Alfvén waves, the cascade

is expected to be driven by the interactions of Alfvén waves. This kind of turbulence is

called Alfvénic turbulence. In the regime of Alfvénic turbulence, theoretical considera-

tion shows that the normalized cross helicity approaches±1, which is called dynamical

alignment (Dobrowolny et al., 1980; Stribling & Matthaeus, 1991). The normalized cross
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Figure 1.15: Radial variation of the Elsasser ratio (Bavassano et al., 2000).

helicityσc is a dimensionless parameter which shows the correlation degree between mag-

netic and velocity fields, which is defined as

σc =
E+ − E−

E+ + E−
, (1.3)

whereE+ andE− are Els̈asser energies defined in terms of Elsässer variablesz± =

δv ∓ δB/
√
4πρ (whereδ denotes the fluctuation) as

E± =
1

4
z±

2. (1.4)

Elsässer ratio, defined asEr = E−/E+, is also widely used instead ofσc. The relation

between them are

σc =
Er − 1

Er + 1
. (1.5)
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Since the Els̈ssaer variable represents the amplitudes of sunward and anti-sunward Alfvén

waves,σc = ±1 corresponds to purely anti-sunward/sunward Alfvén waves. Hence, the

dynamical alignment is a self-organization process that makes the fluctuations unidirec-

tional Alfvén waves. The observation in the solar wind, however, shows the opposite

behavior. Figure 1.15 shows the measurement of the Elsaässer ratio in the fast solar wind

against the heliocentric distance obtained by Ulysses (Bavassano et al., 2000). Clearly

E−/E+ increases with distance (and time), saturating around0.5. Explaining this trend

is a key to understand the dynamics of Alfvén waves in the solar wind.

1.3.2 observations of the power spectrum of Alfv́en waves

Figure 1.16: Observations of the energy spectrum of transverse motions Alfvén waves
at the solar surface. Notice that in the right panel, Left and right panels are cited from
Matsumoto & Shibata (2010) and Cranmer & van Ballegooijen (2005), respectively. Since
the transverse motions at the solar surface excite upward Alfvén waves, these spectra are
expected to show those of Alfvén waves at the solar surface.

The power spectrum of Alfv́en waves is an essential information in understanding the

evolutions in the solar wind. In particular, the most dominant (powerful) frequency is

critical, because it controls the time scale of the evolution. In Figure 1.16, we show the
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energy spectra at the solar surface obtained by two independent observations (Cranmer

& van Ballegooijen, 2005; Matsumoto & Shibata, 2010). Note that the vertical axes are

Figure 1.17: Observations of the energy spectrum of Alfvén waves in the solar wind (Tu &
Marsch, 1995). Left two panels show the slow solar wind observations, while right three
panels show the fast solar wind observations. Solid and dotted lines show the energy
spectra of the anti-sunward and sunward Alfvén waves, respectively.

different. Both observations show that the dominant period is around10− 100 min., i.e.,

10−3 − 10−4 Hz in terms of frequency.

Figure 1.17 shows the in-situ observations by Helios of the energy spectra of anti-

sunward and sunward Alfvén waves (Tu & Marsch, 1995). The observations of the fast

solar wind are right three panels. The solid lines (anti-sunward Alfvén waves) show much

higher energy than the dotted lines (sunward Alfvén waves) and posses the dominant

frequency around10−4 Hz, which is consistent with the observation of the solar surface.

We can conclude through these observations that the dominant frequency of the Alfvén

waves in the solar corona and the solar wind is10−4 Hz.

1.3.3 candidates of theoretical models

To our knowledge, elemental processes explaining the observed trend of the Elsässer

ratio are linear reflection, compressible turbulence and the decay instability. These mod-
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Figure 1.18: Results of Verdini & Velli (2007) (top panel) and Cranmer & van Ballegooi-
jen (2005) (bottom panel). The top panel shows the variation of Elsässer energies against
the heliocentric distance while bottom panel show the amplitudes of Elsässer variables.
Both models solve the linear equations of Alfvén waves, incorporating a phenomenolog-
ical turbulence model. Note that the notation of reflected component is different between
these two figures (,i.e.,E− for the top andZ+ for the bottom). Symbols (top panel) and
solid bars (bottom panel) show the observational results (Bavassano et al., 2000).

els, however, have some drawbacks to explain the observation.

Verdini & Velli (2007) argued that linear reflection, which is widely thought to be

a main process of the reflection, can explain the observational behavior. They assume,
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however, that the most powerful time-scale of the Alfvén wave generation at the solar

surface is around10−6 Hz, which is shown to be unrealistic from the observed power

spectrum (see the discussion in Section 1.3.2). Cranmer & van Ballegooijen (2005) ap-

plied more realistic generation model derived from the observation and showed that, the

linear reflection cannot explain the amount of reflected waves in the solar wind. In Fig.

Figure 1.19: Evolutions of Els̈asser energies for compressible MHD turbulence in the
expanding box model (Grappin et al., 1993). Horizontal and vertical axes are time (and
corresponding heliocentric distance) and energy. The definitions ofE± are in Section
1.3.1. Dotted line indicates the linear evolution.

1.18, we show the variations of Elsässer energy obtained by Verdini & Velli (2007) (upper

panel) and of the amplitudes of Elsässer variables by Cranmer & van Ballegooijen (2005)

(bottom panel). Symbols (upper panel) and solid bars (bottom panel) show the results

of Bavassano et al. (2000). Although the upper panel shows good agreement with the

observation, the dotted line in the lower panel, which shows the Elsässer variable of the

reflected component, does not. The observed values are approximately three times higher

than the theoretical ones in terms of amplitude. We therefore need to consider another

candidate.

Another promising process is MHD turbulence including compressibility. Grappin
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Figure 1.20: Evolutions of the normalized cross helicity and Elsässer energies during the
decay instability (Del Zanna et al., 2001). The horizontal axes are normalized time. The
definitions ofE± andσ are same asE± andσc in Section 1.3.1. The top and bottom
panels correspond to the cases ofβ = 0.1 andβ = 0.5, respectively.

et al. (1993) calculated the time evolutions of the Elsässer energies in a fully turbulent

state. They included the expansion effect of the solar wind to realistically calculate them.

Figure 1.19 shows the results. The sunward Elsässer energy increases far beyond the

linear level. Although they pointed out the importance of the compressible turbulence, the

detailed physics is unclear. What we can conclude is that the compressibility is critical in

the increase of anti-sunward Alfven wave energyE−.

Del Zanna et al. (2001) is a representative research of the decay instability, in which

the evolutions of the normalized cross helicity and Elsässer energies are calculated. In

Figure 1.20, the results are shown. Both figures show that, at least temporally,E− ex-

ceedsE+, which is inconsistent with the observations. Although the decay instability is

a promising process, the reflection is too strong. Since the decay instability is widely
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studied for circularly polarized, monochromatic Alfvén waves, we need a study on waves

with more realistic polarization natures based on the observations.
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1.4 Summary and purpose of the study

Throughout this chapter, we briefly introduced previous studies on Alfvén waves in the

solar corona and the solar wind. Alfvén waves are thought to be promising energy source

of coronal heating and acceleration of fast solar wind. Several self-consistent models

based on the Alfv́en-wave modeling succeed in explaining the observations, although

they partially incorporate the physics. Interaction of two main candidates of the Alfvén-

wave dissipation processes, i.e., compressible and incompressible processes, is important.

This is because the compressible process is suggested to strongly enhance the reflection

rate, leading to more efficient incompressible (Alfvénic-turbulence) heating. Alfvén wave

reflection via the nonlinear coupling with the compressible waves are still not unclear.

As suggested by Bavassano et al. (2000), Elsässer ratio in the fast solar wind increases

with distance. Provided the fluctuations in the solar wind are in Alfvénic-turbulence,

Elsässer ratio should decrease by the dynamic alignment. Since the linear reflection pro-

cess is proved to be insufficient to explain, another candidate process is necessary.

There are two purposes in this study. The first one is a qualitative research, that is,

revealing the elementary process of the nonlinear reflection of linearly polarized Alfvén

waves. Although we should give a quantitative results for more realistic studies, sugges-

tion of a new elementary process is critical for more essential understanding. The second

purpose is to explain the observed trend of the energy ratio of sunward to anti-sunward

Alfv én waves. We will suggest an explanation by using our proposed processes.
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Chapter 2

Method

2.1 Numerical setting

For simplicity, we assume a one-dimensional Cartesian coordinate system. Periodic

boundary conditions are used. We denote byx the spatial coordinate, background mag-

netic fieldB0 parallel to thex axis. Because the sole transverse component is they com-

ponent, the Alfv́en waves are linearly polarized. We also assume a static background with

a uniform densityρ0 and uniform magnetic fieldB0. The initial state can then expressed

as

ρ = ρ0, vx = 0, vy = 0, Bx = B0, By = 0. (2.1)

The dissipation mechanisms, such as viscosity and resistivity, are not explicitly stated.

For brevity, we further assume an isothermal system with speed of soundCs. The basic

equations of the system are thus given by

∂

∂t
ρ+

∂

∂x
(ρvx) = 0, (2.2)

∂

∂t
(ρvx) +

∂

∂x

(
ρvx

2 + ρCs
2 +

By
2

8π

)
= 0, (2.3)

∂

∂t
(ρvy) +

∂

∂x

(
ρvxvy −

B0By

4π

)
= 0, (2.4)
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∂

∂t
By +

∂

∂x
(Byvx −B0vy) = 0. (2.5)

The equations are numerically solved by using an upwind scheme with the linearized

Riemann solver (Roe’s solver) developed for isothermal MHD systems by Nakajima &

Hanawa (1996) and Fukuda & Hanawa (1999). The spatial and temporal accuracies in

this scheme are set to be second-order, and unphysical numerical oscillations near the

discontinuities are avoided by a minmod flux limiter.

2.2 Initial condition as the wave input

We input the waves by the initial condition. The fluctuations are denoted by∆ and

initially exist as a purely rightward Elsässer state without fluctuations inρ or vx:

∆ρ = 0, ∆vx = 0, ∆vy = CAf(x), ∆By = −B0f(x), (2.6)

whereCA = B0/
√
4πρ0 is the background Alfv́en speed, andf(x) represents the ini-

tial wave profile. Notice that iff(x) is sufficiently small, the leftward Elsässer variable

vanishes, and the initial condition becomes a purely rightward linear Alfvén wave.

The initial fluctuation is assumed to have a red-noise energy spectrum with random

phase. Previous observations (Matsumoto & Shibata, 2010) revealed that within a cer-

tain band (typically with period between 1 min and 10 min), the energy spectrum of

photospheric transverse motion approximates a red-noise spectrum. By setting the high-

est wavenumber of the initial fluctuation spectrum equal to one tenth of the Nyquist

wavenumber, itself given as one-half of the spatial grid pointsNx, f(x) can be explic-

itly written as

f(x) =
N∑

n=1

An sin
[
2π

(nx
L

)
+ ϕn

]
(2.7)

whereN = Nx/20, An = A0n
−1 andL is the size of the simulation box.A0 is the am-

plitude parameter, andϕn is a random value ranging between0 and2π. We perform two
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kinds of simulations: short-term simulations up tot = 20τA with Nx = 5000 and long-

term evolutions up tot = 1000τA with Nx = 1000 whereτA = L/CA is the Alfvén time

of the simulation box. Our simulation is characterized by two free physical parameters:

the plasma betaβ = (Cs/CA)
2 and the initial fluctuation energyEwave, which is defined

as follows:

Ewave =

∫ L

0

dx

[
1

2
ρ0∆vy

2 +
1

8π
∆By

2

]
=

1

2
ρ0(A0CA)

2L
N∑

n=1

n−2. (2.8)

2.3 Decomposition of fluctuations into characteristic vari-

ables

To understand the nonlinear evolution in terms of normal modes of MHD, we adopt

the decomposition of the fluctuations into characteristic variables. In an isothermal sys-

tem, wave dissipation does not increase the temperature (and the speed of sound); con-

sequently the background (mean) field is always steady and uniform, and the mean and

fluctuation of each variable are easily decoupled.

In terms of primitive variablesW T = (ρ, vx, vy, By), the governing equations, Eqs.

(2)− (5), can be rewritten as

∂

∂t
W +A (W ) · ∂

∂x
W = 0, (2.9)

whereA (W ) is the characteristic matrix of the primitive variables, explicitly written as

A (W ) =



vx ρ 0 0

Cs
2/ρ vx 0 By/ρ

0 0 vx −B0/ρ

0 By −B0 vx


. (2.10)
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Following Stone et al. (2008), the right and left eigenmatrices ofA (W ) are explicitly

given as

R (W ) =



ραf ραs ραs ραf

−Cff −Css Css Cff

Css −Cff Cff −Css

As −Af −Af As


, (2.11)

and

L (W ) =



αf/2ρ −Cff/2Cs
2 Css/2Cs

2 As/2ρCs
2

αs/2ρ −Css/2Cs
2 −Cff/2Cs

2 −Af/2ρCs
2

αs/2ρ Css/2Cs
2 Cff/2Cs

2 −Af/2ρCs
2

αf/2ρ Cff/2Cs
2 −Css/2Cs

2 As/2ρCs
2


, (2.12)

where each variable is a function of the local fast and slow mode velocitiesCfast and

Cslow, respectively:

αf =
Cs

2 − Cslow
2

Cfast
2 − Cslow

2 , αs =
Cfast

2 − Cs
2

Cfast
2 − Cslow

2 ,

Cff = Cfastαf , Css = Cslowαs,

Af = Csαf
√
ρ and As = Csαs

√
ρ.

The mean fieldW 0 is trivial:

W 0 =



ρ0

0

0

0


, (2.13)

and the fluctuation field can easily be obtained by subtractingW 0 fromW as∆W =

W −W 0. The fluctuation can then be decomposed via “the local” right eigenmatrix
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R (W ) ( ̸= R(W 0)) as

∆W = R (W ) ·α (W ) (2.14)

or more explicitly,



∆ρ

∆vx

∆vy

∆By


=



ραf ραs ραs ραf

−Cff −Css Css Cff

Css −Cff Cff −Css

As −Af −Af As





αfl

αsl

αsr

αfr


, (2.15)

whereα is a vector of amplitudes. In terms ofα, this equation can be solved as

α (W ) = L (W ) ·∆W . (2.16)

Each column of matrixR corresponds to a right eigenvector ofA: ψi. Therefore, we can

rewriteR asR =
(
ψfl,ψsl,ψsr,ψfr

)
. The fluctuation of modei, ∆W i is the following

product ofαi andψi

∆W i = αiψi (i = fl, sl, sr, fr) (2.17)

wherefl andsl denote leftward Alfv́en and acoustic waves, respectively, andsr andfr

denote the corresponding rightward waves.
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Chapter 3

Results

3.1 Time evolutions of density, velocity and magnetic field

3.1.1 Evolutions of raw data

Figures 3.1 and 3.2 show the time evolutions of normalized physical quantities in a

typical case in which the initial wave energyEwave equals one-half of the background

thermal energyEgas:

Egas = ρ0Cs
2L, (3.1)

The background plasma beta is set toβ = 0.25 (Cs/CA = 0.5). Fig. 3.1 presents

the evolutions of transverse fluctuations∆vy, ∆By. Steepening of the magnetic field is

seen, which has been analytically explained by Montgomery (1959), Cohen & Kulsrud

(1974) and Kennel et al. (1990). The decreased number of shock fronts results not only

from dissipation but also from the merging of shocks. In other words, when two fast

shock waves collide, they merge into a stronger fast shock. In this case, a few strong

shocks successively overtake many weak shocks and merge with them, reducing their

number. This apparent inverse cascade should not be interpreted as the energy transport

toward large scales. The deviation of∆vy/CA from −∆By/B0 in Fig. 3.1 confirms that

reflection occurs in our simulation, because it shows that the nonzero component of the
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Figure 3.1: Snapshots of∆vy/CA (blue, solid line) and−∆By/B0 (red, dotted line) in
typical case (Ewave/Egas = 0.5 Cs/CA = 0.5). Snapshots are captured at (a)t = 0, (b)
t = τA, (c) t = 5τA and (d)t = 10τA.

normalized leftward Els̈asser variablez− = ∆vy/CA +∆By/B0 exists.

Fig. 3.2 reveals many slow (acoustic) shock waves generated by the magnetic pres-

sure of wave. This effect is called nonlinear mode conversion from Alfvén waves to

acoustic waves (Hollweg et al., 1982; Kudoh & Shibata, 1999; Moriyasu et al., 2004;

Suzuki & Inutsuka, 2005). Unlike in the transverse field, the number of shock fronts does

not evidently decrease even att = 10τA. There are several reasons for this. First is the

long overtaking time of the slow shock waves caused by the small speed of sound (in

the present low-beta case). Second, the shock formations occur at different time scales.

The formation times of fast and slow shock waves are inversely proportional to the square

of the nonlinearity and the nonlinearity itself, respectively. That is, denoting the shock
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Figure 3.2: Snapshots of∆ρ/ρ0 (blue, solid line) and∆vx/Cs (red, dotted line). Param-
eters and evolution times are those of Fig. 3.1.

formation times of fast and slow waves byτf andτs, respectively, we have

τf ∝
(
∆vy
CA

)−2

τs ∝
(
∆vx
Cs

)−1

. (3.2)

Since the relation∆vx/Cs ∼ ∆vy/CA < 1 is generally satisfied in our calculation, slow

shock waves are more easily generated than fast shock waves. Third, new acoustic waves

are continuously generated by the magnetic pressure of the Alfvén waves. Despite the

shock dissipation, the amplitude decreases less markedly than in transverse fields, which

supports the third reason

We also perform the simulations with initially monochromatic wave with a wavelength

of the box sizeL. Although there are several differences, the evolutions were similar with

the red-noise case, especially for the transverse fields. This is because the red-noise wave
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has the largest energy in the longest-wavelength mode.
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3.1.2 Evolutions of decomposed data
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Figure 3.3: Results of decomposed fluctuation∆vy,i. Four lines correspond to modes
∆vy,fr (red, dotted line),∆vy,fl (blue, solid line),∆vy,sr (green, long-dashed line) and
∆vy,sl (orange, short-dashed line).

Figures 3.3 and 3.4 show the evolutions in the typical case of the decomposed fluctu-

ations∆vy,i and∆vx,i (wherei represents a mode) defined in Section 2.3. Although we

initially impose a purely rightward Elsässer state, not only a rightward Alfvénic fluctua-

tion ∆vy,fr, but also those of other modes,∆vy,fl, ∆vy,sr, ∆vy,sl appear (Fig. 3.3). This

contamination originates from the finite-amplitude effect, which deviates the Elsässer

variables from the fast-mode characteristics. The most important feature in this figure

is the increase of the amplitude of∆vy,fl from t = 0 to t = 10τA, which provides direct

evidence of reflection.

Fig. 3.4 shows the behavior of the longitudinal fluctuations. It is initially transported

by the rightward Alfv́en wave. However, the amplitude of∆vx gradually shifts from the
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Figure 3.4: Results of decomposed fluctuation∆vx,i. Four lines correspond to modes
∆vx,fr (red, dotted line),∆vx,fl (blue, solid line),∆vx,sr (green, long-dashed line) and
∆vx,sl (orange, short-dashed line). Vertical axis scale differs between (a) and (b).

rightward Alfvén wave to the rightward acoustic (slow) wave. This shift occurs probably

because nonlinear interactions of Alfvén waves decrease the nonlinearity of the Alfvén

waves and generate acoustic waves.
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3.2 Self-energy evolution

3.2.1 Short-term behavior

In this subsection, we discuss the physical mechanism of wave reflection. For this

purpose, we examine the evolutions of the individual modes. In terms of the decomposed

density∆ρi, velocities∆vx,i and∆vy,i, and the magnetic field∆By,i, the normalized

“self-energy” of each wave modei can be defined as

Ei =

∫ L

0

dx

[
1

2
(ρ0 +∆ρi)

(
∆vx,i

2 +∆vy,i
2
)
+

∆By,i
2

8π

]
/Ewave (i = fl, sl, sr, fr) .

(3.3)

Note that the summation ofEi over modesi does not agree with the total energy of the

fluctuations because it excludes the interaction terms between two modes.
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Figure 3.5: Time evolutions of self-energies in the typical case (Ewave/Egas = 0.5 and
Cs/CA = 0.5). Four lines represent rightward Alfvén wave energyEfr (orange, dash-
dotted line), leftward Alfv́en wave energyEfl (blue, solid line), rightward acoustic wave
energyEsr (green, dashed line), and leftward acoustic wave energyEsl (red, dotted line).

Figure 3.5 shows the evolving self-energies in the typical case(Ewave/Egas = 0.5, Cs/CA =
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0.5). Quasi-periodic energy oscillations are evident in each mode. In particular, the phases

of the leftward Alfv́en wave energyEfl and leftward acoustic wave energyEsl are neg-

atively correlated. This phase-anticorrelated oscillation suggests the exchange of energy

via resonance between these two modes. Other simulation runs, in which we changed

Ewave/Egas andCs/CA (results not shown), confirm that phase-anticorrelated oscillations

always appear except such cases with high wave energy (Ewave > Egas) and extremely

low plasma beta.
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Figure 3.6: Decay instability case. Parameters are set toCs/CA = 0.1 andEwave/Egas =
2.

Figure 3.6 shows the results of a case with the low plasma beta and the large amplitude

(Cs/CA = 0.1 andEwave/Egas = 2). We have found that the decay instability appears.

This finding is important, as it confirms the possibility of decay instability in linearly

polarized waves. The extremely-low beta condition is essential, because decay instability

never occurs whenCs/CA = 0.5. Note that the evolutions of self-energies (especially

of the leftward Alfv́en wave) in Fig. 3.6 differs from those in Fig. 3.5, indicating that

the physical process commonly observed in our simulations differs from the usual decay
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instability. Efl increases almost exponentially betweent = τA andt = 4τA, providing

direct evidence of some instability. Since this is an instability of Alfvén waves in low-beta

plasmas, it is definitely the decay instability.Efl saturates at values comparable toEfr,

when the feedback process is no longer negligible. This feedback appears in Fig. 3.6 after

t = 5τA, whenEfr increases by the feedback from the leftward Alfvén waves.
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Figure 3.7: Scatter plots for all∆Ei and ∆Ej. Correlation factorC of each set is
displayed inside corresponding panel. As demonstrated by plot profiles andC values,
strongest correlation occurs between∆Efl and∆Esl. We have confirmed this result in
other parameter sets.
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To examine the wave energy oscillation and correlation between two modes in detail,

we average eachEi over time. The averaged energy here is defined as

Ei(t) =
2NA+1

√√√√ NA∏
j=−NA

Ei(t+ j∆t), (3.4)

where∆t is the cadence of the data andNA∆t is the Afvén time (NA = τA/∆t). The

fluctuation part∆Ei is defined in terms ofEi as

∆Ei = Ei − Ei. (3.5)

To illustrate the dominant correlation between the leftward Alfvén and acoustic modes,

we generate scatter plots between the energy fluctuations of different modes∆Ei and

∆Ej and computed the correlation factorsC. Both of them reveal the strongest cor-

relation between∆Efl and∆Esl among combinations of the modes. From these facts

we inferred the successive exchange of energy, mainly between the leftward Alfvén and

acoustic waves.
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3.2.2 Long-term behavior
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Figure 3.8: Evolutions of population ratio with same energy ratio(Ewave/Egas = 0.25)
and different plasma betasCs/CA = 0.1 (red, dotted line),0.3 (orange, long-dashed line),
0.5 (blue, solid line),0.7 (green, dash-dotted line),0.9 (light-blue, short-dashed line).

We now present the long-term evolution of the system, up tot = 1000τA. In particular,

we focus on the population ratio (or reflection ratio) defined asEfl/Efr. In Fig. 3.8, it is

shown for cases withCs/CA = 0.1, 0.3, 0.5, 0.7, or 0.9, fixing Ewave/Egas = 0.25. When

Cs/CA = 0.5, the population ratio is anomalously rapidly enhanced aroundt = 20τA.

This efficient reflection is an essentially nonlinear phenomenon that amplifies the growth

rate over time. When the initial energy of the fluctuations equals the thermal energy

of the background, that is, whenEwave = Egas, fast reflections occur not only when

Cs/CA = 0.5 but also whenCs/CA = 0.7 andCs/CA = 0.9. The increased nonlinearity

permits rapid enhancement of the population ratio over wider parameter space, because

sufficient energy is available for the reflection. Such rapid enhancement also supports

that the wave resonance is critical, because the timescale of the resonance decreases with

increasing amplitude of the coupled waves.
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Chapter 4

Discussion

4.1 Physical process of reflection

In the previous section, we demonstrate two enhancement features ofEfl andEfl/Efr.

1. Nonmonotonic increase of the leftward Alfvén wave energyEfl, which involves

short-period oscillations anti-correlated with the leftward acoustic wave energyEsl.

2. Nonconstant (initially increasing) growth of the population ratioEfl/Efr. The

temporal evolution ofEfl/Efr is nonmonotonically sensitive to theβ value. In particular,

whenCs/CA = 0.5, the population ratio is enhanced at an anomalous rate, as shown in

Fig. 3.8.

In this section, we discuss theoretically an elementary reflection process that explains

above features. We focus on the typical case (Ewave/Egas = 0.5, Cs/CA = 0.5) here.

To clarify the physical process of the reflection, we perform Fourier transformation in

space to the normalized velocity fluctuation∆vy,fr, ∆vy,fl, ∆vx,sr and∆vx,sl. Notice

that normalization factors are different between fast (Alfvén) and slow (acoustic) modes.

We refer to each Fourier mode by the wavenumber normalized by2π/L, that is, modep

represents a mode whose wavenumber is2πp/L (wave length isL/p). Due to the periodic

boundary condition,p is limited to integers.

First, we focus on feature 1, i.e., phase-anticorrelated energy oscillations between two
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leftward waves. Resonance between these two waves can naturally explain this behavior,

that is, interaction between some parent and leftward Alfvén waves generates a leftward

acoustic mode via three-wave resonance and similarly, interaction between some parent

and a leftward acoustic waves generates a leftward Alfvén wave. This is a stable process

because, since the wave momenta should be conserved during wave-wave interactions,

leftward Alfvén and acoustic waves cannot amplify their energies at the same time but

just oscillate their energies. Rightward Alfvén waves can be a parent wave (i.e., energy

mediator) in this process, because, different from the decay instability, three-wave reso-

nance with a forward Alfv́en wave as a parent wave and backward Alfvén and acoustic

waves as daughter waves is a stable process. This resonant energy exchange may play

an important role in the saturation ofEfl, becauseEfl is likely to be transported toEsl,

which is much easier to dissipate via the shock wave dissipation thanEfl.
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Figure 4.1: Time evolutions of the Fourier amplitudes of∆vy,fr/CA and∆vy,fl/CA the
for typical case(Ewave/Egas = 0.5, Cs/CA = 0.5). Left panel shows the evolutions of
mode 2 (orange, dash-dotted line), mode 3 (blue, solid line), mode 4 (green, dashed line)
and mode 5 (red, dotted line) of rightward Alfvén waves, while right panel shows those of
mode 1 (orange, dash-dotted line), mode 2 (blue, solid line), mode 3 (green, dashed line)
and mode 4 (red, dotted line) of leftward Alfvén waves, respectively.

Next, we discuss on the amplification process ofEfl. In Figure 4.1, we show the

Fourier-transformed amplitudes of∆vy,fr and∆vy,fl. In the left panel of Fig. 4.1, where
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rightward Alfvén wave is focused, we show the temporal evolutions of modes 2 to 5.

Although all modes decrease their amplitudes initially, odd-number modes recover their

amplitude. This is caused by the steepening of mode 1. It generates density fluctuations

(not acoustic waves) of mode 2 via the magnetic pressure and cascades (steepens) by

interacting with the density fluctuations. Interaction between mode 1 Alfvén wave and

mode 2 density fluctuation generates mode 3 Alfvén wave, which as well generates mode

5 Alfv én wave by the interaction with the density fluctuation. In this way, only odd-

number modes survive.

After the steepening, lower-number modes tend to have higher amplitudes, which is

not the case in Fig. 4.1 aftert = 17τA. This behavior indicates some energy absorption

from mode 3 rightward Alfv́en wave. In the right panel of Fig. 4.1 we show the leftward

Alfv én waves of modes 1 to 4 The dominant mode of the reflected Alfvén wave is mode

1. Considering the possibility of some energy absorption from mode 3 rightward Alfvén

wave, the decay instability is the promising process of the amplification, because mode 3

rightward Alfvén and mode 1 leftward Alfv́en waves can satisfy the three-wave resonance

condition of the decay instability in this plasma beta (Cs/CA = 0.5). This is explained as

follows. The three-wave resonance condition of the decay instability is given as

 k0

ω0

 =

 −k1

ω1

+

 k2

ω2

 (4.1)

ω0 = k0CA ω1 = −k1CA ω2 = k2Cs,

wherek0, k1 andk2 are wavenumbers of the rightward Alfvén (parent), leftward Alfv́en

and rightward acoustic waves, respectively. After solving this, we obtain following rela-

tion.

(k0 : k1 : k2) =

(
1 +

Cs

CA

: 1− Cs

CA

: 2

)
. (4.2)

By substitutingCs/CA = 0.5, it is shown that mode 1 leftward Alfv́en wave can ab-
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Figure 4.2: Evidence of the decay instability. Each line shows the velocity amplitude of
mode 1 leftward Alfv́en wave (blue, solid line), mode 3 rightward Alfvén wave (green,
dashed line) and mode 4 rightward acoustic wave (red, dotted line).

sorb the energy of mode 3 rightward Alfvén wave via the decay instability with mode 4

rightward acoustic wave another daughter wave. To support this, we show in Figure 4.2

Fourier-transformed velocity amplitudes of these three modes, that is, mode 3 rightward

Alfv én, mode 1 leftward Alfv́en and mode 4 rightward acoustic waves. It is clear that

leftward Alfvén and rightward acoustic waves increase their energy at the same time as

the rightward Alf́en wave decays. We have confirmed that the energy increase of mode 4

rightward acoustic wave is not by the steepening, because it exceeds energies of the other

modes when it reaches its maximum. If circularly polarized, mode 1 Alfvén waves never

steepen but decay directly to mode 1 backscattered Alfvén waves, which is the usual pro-

cess of the decay instability. This difference shows that linear polarization and resultant

steepening generate a new energy channels, which is effective at least in the typical case.

In Figure 4.3, we summarize these new-found elementary processes and energy channels

by a schematic diagram.
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Figure 4.3: Schematic diagram of the energy channels found in the typical case.

4.2 Application to open system

In this section, we present the comparison of our results on the population ratio

Efl/Efr with solar wind observations. Because the plasma beta in the solar wind changes

with distance, some technical interpretation is necessary. Our results and the observational

data are not directly comparable. Instead, we average our results for various plasma be-

tas. Specifically, we calculate five cases (Cs/CA = 0.5, 0.6, 0.7, 0.8, 0.9) with fixed the

initial energy ratioEwave/Egas = 1, which is observationally appropriate according to

Goldstein et al. (1995). We then average the results by using Eq. (4.3). HereR(t;α)

andR(t) denote the time evolution ofEfl/Efr with Cs/CA = α and the averaged result,

respectively.

R(t) =
1

5
[R(t; 0.5) +R(t; 0.6) +R(t; 0.7) +R(t; 0.8) +R(t; 0.9)] . (4.3)

Next we convert time in our results to the distance in real solar wind. We use

r − r0.1 = VSW (t− t0.1) (4.4)
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in this conversion, whereVSW is the solar wind speed assumed as750 km/sec,r is the

radius from the sun center,t0.1 is the time at whichEfl/Efr=0.1 in our results, andr0.1

is the location at whichR(t) = 0.1 in the fast solar wind observations. According to

Goldstein et al. (1995),r0.1 = 1 AU. The time on the right hand side of Eq. (4.4) is

normalized by the Alfv́en timeτA, assigned as the dominant wave period in the solar wind

fluctuations, i.e.,104 sec. This value is determined from the dominant frequency (10−4

Hz) in the measured fast solar wind fluctuations (Tu & Marsch, 1995). The obtained

R(r) are compared with the observational values of Bavassano et al. (2000) in Figure 4.4.

Our results favorably agree with the observations. To our knowledge, these trends have
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Figure 4.4: Energy ratios of leftward and rightward propagating Alfvén waves: Contin-
uous curve and open circles denote our simulation results (R, see text for details), and
observations by Bavassano et al. (2000), respectively.

been best explained by linear reflection (Verdini & Velli, 2007) and decay instability (Del

Zanna et al., 2001). However, the linear reflection process requires the most dominant

frequency of Alfv́en waves to be10−6 Hz. At Alfv én wave frequencies around10−4

Hz, linear reflection cannot generate sufficient reflected waves enough (Cranmer & van
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Ballegooijen, 2005). On the other hand, decay instability cannot explain the saturation of

Efl/Efr around0.5 beyond 3 AU. Our results (Fig. 4.4) explain the observations while

alleviating both difficulties.
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Chapter 5

Summary and Future Prospect

We have performed one-dimensional numerical simulations to reveal the elementary

process of Alfv́en-wave reflection and explain the observation of the strong reflection

in the solar wind. In order to reveal the behavior of each wave in this strongly nonlin-

ear problem, we have performed the decomposition of the fluctuations into characteristic

variables. We have revealed that, when Alfvén waves are linearly polarized, they steepen

and forms new energy channels for the reflection. The reflected Alfvén waves are shown

to resonate with acoustic waves propagating in the same direction. By applying an appro-

priate scaling to our results, we have shown that our results well explain the observations

in the solar wind, which suggests that the process we have found efficiently works in the

solar wind.

There are several points to improve which are simplified in this study. First, since

our system is periodic in space, we need to confirm that our proposed process operates

in open systems. Second, we should consider kinetic effects in the solar wind condition;

most critically, Landau damping of (ion-)acoustic waves. When the Landau damping is

too strong, the acoustic waves dissipate before the backscattering via the decay instability.

Third, one-dimensional uniform-background simulations usually overestimate the shock

effects and neglect the expansion effect of the solar wind (Grappin et al., 1993; Nariyuki,

2015; Del Zanna et al., 2015). For an investigation of this influence, it requires multidi-
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mensional simulations.
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