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Abstract

Active regions holding a δ-sunspot are known to produce the largest flares on the Sun.

Some of those active regions are thought to be produced by the merging of two bipolar

sunspot pairs. Several previous studies succeeded in reproducing such active regions by

the emergence of a subsurface magnetic flux tube from two locations in MHD simula-

tions. On the other hand, their simulations did not reproduce an eruption of a magnetic

flux rope that appears to produce a large flare. Therefore, how, where, and when large

flares occur above a δ-sunspot are still unclear. This thesis aims at investigating the pro-

cesses, locations, and conditions of an eruption of a flux rope above a δ-sunspot. For

those purposes, we conduct MHD simulations of the emergence of a subsurface flux tube

at two locations in a simulation box modeling the convection zone to the corona, follow-

ing the previous studies with the wider parameter range and different coronal magnetic

environment. As a result, we find that a flux rope is formed as a consequence of magnetic

reconnection of two bipolar loops and sunspot rotation caused by the twist of the subsur-

face flux tube. Moreover, the flux rope stops ascending when the initial background is

not magnetized, whereas it rises up to the upper boundary when a reconnection favorably

oriented pre-existing field is introduced to the initial background. In the latter case, the

flux rope becomes sufficiently twisted to be unstable against the kink instability during

the rising phase and ascends with writhing. In addition, we conduct a parameter survey

in order to investigate the conditions for the formation and eruption of a flux rope. As a

result, we find that the twist of the subsurface flux tube is crucial for the formation and

the strength and decay rate of the pre-existing field are significant for the eruption. In
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conclusion, this thesis makes it possible to understand the formation of a δ-sunspot and

the formation and eruption of a flux rope in a unified manner.
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要旨

デルタ型黒点を持つ活動領域は、巨大なフレアの発生源として知られている。その

ような活動領域の一部は、２つの双極の黒点の衝突で誕生すると考えられ、複数の

先行研究が２箇所からの磁束管浮上のシミュレーションでそれを再現した。一方、巨

大なフレアは磁束ロープ（ねじれた磁束管）の上昇に起因すると考えられているが、

彼らのシミュレーションではそのような磁束ロープ放出は見られず、デルタ型黒点

上空でフレアがどのように起こるかは不明瞭である。よって、本研究は彼らのモデ

ルを改良し、デルタ型黒点上空の磁束ロープ放出の発生過程、発生場所、条件を調

べることを目的とする。そのために、対流層からコロナまでを模したシミュレーショ

ンボックスを用意し、先行研究と同様の手法でより広いパラメータレンジや異なる

コロナ磁場環境を用いて、２箇所からの磁束管浮上のシミュレーションを行った。そ

の結果、双極の黒点のループ同士の磁気リコネクションと磁束管のねじれに起因す

る黒点回転により磁束ロープが生成されることを発見した。また、その磁束ロープ

は初期の背景に磁場がない場合は上昇を停止するが、浮上磁場とリコネクションを

起こすような向きの磁場があるときには上部境界まで上昇することが判明した。特

に後者では、その上昇中にロープがキンク不安定の臨界までねじられ、ひねりなが

ら上昇していくことを発見した。加えて、本研究ではパラメータサーベイを実施し、

磁束ロープの生成、放出条件を調べた。結果、対流層の磁束管のねじれがロープ生

成にとって重要であり、初期の背景磁場の強さや高さ方向の減少率が上昇の仕方を

決定することが分かった。本研究により、デルタ型黒点の形成から、磁束ロープの

生成と放出までを統一的に理解することが可能になった。
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Chapter 1

Introduction

1.1 Solar Flares and Eruptions

A solar flare and a solar eruption are explosive phenomena on the Sun. A flare is a burst

of lights (see Figure 1.1 (a) showing a flare ribbon observed by Hinode/Solar Optical

Telescope (SOT); brightening produced by a flare is mentioned in the following section)

and an eruption is an ejection of plasma from the solar atmosphere (see Figure 1.1 (b)

for a prominence eruption observed by Solar Dynamics Observatory (SDO)/Atmospheric

Imaging Assembly (AIA)). It is known from observations that these two phenomena often

occur together at the same location at the same time. Especially, some of the eruptions

evolve into coronal mass ejections (CMEs), which are the ejection of plasma to the in-

terplanetary space (see Figure 1.1 (c) for an example of CMEs observed by The Solar &

Heliospheric Observatory (SOHO)/Large Angle and Spectrometric Coronagraph experi-

ment (LASCO)).

Solar flares and eruptions have been one of the most important objectives of solar

physics. These phenomena have also been investigated for space weather, as the high en-

ergy particles and plasma ejected by solar flares have a huge impact on the earth by means

of geomagnetic storms. Moreover, since the Sun is the only observable star with great spa-

cial and time resolutions, the knowledge of solar explosive phenomena is expected to be
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Figure 1.1: (a) A flare ribbon produced by X3.4 flare event in NOAA AR
10930 on 2006 December 13, observed by Hinode/SOT). This figure is reprinted
from http://hinode.nao.ac.jp/news/results/solar-b/. (b) An observed erupting promi-
nence on the solar limb on 2012 August 31 in SDO/AIA, reprinted from https://
www.nasa.gov/mission pages/sunearth/news/News090412-filament.html. (c) A CME on
2000 February 27, observed by SOHO/LASCO C2 and C3. This figure is reprinted from
https://sohowww.nascom.nasa.gov/gallery/images/las02.html.
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the basis for probing other astronomical explosive phenomena, such as stellar flares. Fur-

thermore, the studies of solar flares have helped physicists deepen their understanding of

the phenomena in plasma physics, such as magnetic reconnection.

Flares and active regions (sunspots and coronal loops)

Large flares occur in bright regions in the solar atmosphere, observed in X-rays and EUV

(Extreme Ultraviolet). These regions are called active regions, whereas polar dark regions

and the other regions are called coronal holes and quiet regions, respectively. Active

regions have more magnetic energy than the other regions, and the energy can be the

source of flares and eruptions. Figure 1.2 (a) is a picture of the whole sun observed by

SDO/AIA at 2011 February 15 00:00:00UT, displaying several bright active regions.

In general, active regions contain sunspots, which are the darker and cooler regions

of the photosphere, having stronger magnetic field ∼ 2 kG. Sunspots are composed of

two regions, umbrae and penumbrae, which are the central darkest regions and surround-

ing half-dark regions seen in the continuum, respectively. Besides, active regions have

another distinctive structure observed in EUV, a coronal loop, that is a semicircle arcade

whose foot point is rooted in a sunspot. Coronal loops are regarded as visible mag-

netic field lines, although the heating mechanism of the loops to make them visible is not

fully understood. Figure 1.2 (b) shows sunspots in an active region NOAA AR 11158 in

SDO/Helioseismic and Magnetic Imager (HMI) Continuum and Figure 1.2 (c) presents

coronal loops in SDO/AIA 171 Å for the same location and time as Figure 1.2 (b).

Active regions containing sunspots and coronal loops are believed to originate from

the emergence of a magnetic flux tube in the convection zone. Figure 1.2 (d) by Tajima

& Shibata (1997) summarizes the idea of the active region formation with a flux tube in

the convection zone. The magnetic field produced by dynamo in the interior is carried up

into the atmosphere, which forms an active region and provides the magnetic energy (see

the following section for the detail).

Especially, active regions that have a sunspot with distinctive features named δ-sunspot
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Figure 1.2: Pictures and cartoons of active regions. (a)-(c) were created using JHe-
lioviewer (a) A 335 Å picture of the whole Sun by SDO/AIA at 2011 February 15
00:00UT. (b) A HMI continuum image of NOAA AR 11158, displaying sunspots. (c)
An AIA 171 Å image of NOAA AR 11158, showing coronal loops. (d) A cartoon by
Tajima & Shibata (1997), showing an active region formed by the emergence of a mag-
netic flux tube from the convection zone.

are known to produce most of the largest flares. The definition, characteristics, and for-

mation processes of a δ-sunspot will be explained in the following section.

A model of solar flare and an erupting flux rope

A model summarized in Figure 1.3 (a) and (b), named the CSHKP model (Carmichael,

1964; Sturrock, 1966; Hirayama, 1974; Kopp & Pneuman, 1976; Shibata & Magara,

2011), has been proposed to explain a solar flare. This model can account for solar flares

and eruptions in a unified manner, which agrees with the observations of flares and erup-

tions.

The essences of this model are as follows. The bursts of lights of flares are produced

by the heating by the magnetic reconnection occurring at the vertical current sheet (X-

point in Figure 1.3 (a) and (b)); this magnetic reconnection is sometimes called flare re-
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connection. Magnetic reconnection is a phenomenon in which two anti-parallel magnetic

field lines reconnect at a diffusion region where the frozen-in condition of ideal MHD

(Magnetohydrodynamics) breaks down. In this model, the reconnection produces bright

post flare loops observed in X-rays and EUV below the current sheet (shaded and hatched

regions in 1.3 (a)). The foot points of the loops can be seen as flare ribbons in Hα and

other low temperature channels (corresponding to dotted regions in 1.3 (a) and see Figure

1.1 (b) for an observational example).

At the same time, an erupting magnetic flux rope that is a helical structure in Figure

1.3 (b), rises up to the upper corona drastically, and it sometimes evolves into a CME. A

magnetic flux rope is usually defined as a twisted magnetic flux tube (e.g., Priest, 2014). In

this thesis, we restrict the use of this terminology to a coronal twisted magnetic flux tube,

following Leake et al. (2013) to distinguish from the subsurface structures. Figure 1.3 (a),

depicts erupting filament with helical field lines instead of denoting erupting flux rope.

A filament, which is seen as a prominence on the limb, is one of the main observable

structures indicating the existence of a flux rope. The relationship between a flux rope

and a filament will be discussed in the following section as well as the reasons why the

erupting flux rope is essential. Figure 1.1 (b) presents an erupting filament on the limb

on the Sun, observed on August 31, 2012 by SDO/AIA 304 Å. Figure 1.1 (c) displays a

CME observed by SOHO/LASCO C2 and C3, which indicates that plasma was ejected

from the solar corona to the interplanetary space.

In particular, the CSHKP model can explain large flare events, such as X and M class

events, categorized based on GOES X-ray intensity, which often accompany eruptions and

resultant CMEs. The relationship between flares and eruptions have also been studied by

the observations and it was found that the probability that a flare accompanies a CME

increase as the X-ray intensity of a flare increases. Yashiro et al. (2005) conducted a

statistical survey on the relations between the flare X-ray intensity and the occurrence

of CMEs. They found that more than 90% of X-class flare events and a half of M-class

events in their data set accompanied CMEs. Later, Wang & Zhang (2007) confirmed

5



Figure 1.3: The CSHKP model of solar flare. (a) A schematic picture by Shiota et al.
(2005). The thick solid lines represent magnetic field lines. Magnetic reconnection occurs
at the X-point of the arcades surrounding the erupting filament. Shaded areas can be seen
in soft X-rays, whereas hatched loops are observed in EUV. The dotted area is seen in
Hα, and especially called two flare ribbons, which correspond to the foot-points of the
reconnected loops. (b) A schematic picture by Priest (2014). The main difference from
(a) is the change from erupting filament to erupting flux rope. This improvement might
reflect recent observational findings that filaments are less frequently observed than hot
channels during large flares, both of which are regarded as supported by a flux rope (see
Section 1.2). The essence of this model is an erupting flux rope, which may be observed
as a hot channel or a prominence.
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that about 90% of X-class flare events were associated with CMEs in the larger data

set. Therefore, the largest flares (X and some of the M-class events) and accompanied

eruptions can be regarded as the same phenomenon, and the CSHKP model is capable of

accounting for that in a unified way. On the other hand, some of the smaller flares (A, B,

and C-class events and some of the M-class ones) may be explained by different models.

For example, models of solar jets can also explain the magnetic reconnection capable of

the flare brightening (e.g., Yokoyama & Shibata, 1995, 1996).

1.2 Magnetic Flux Ropes

A magnetic flux rope plays very important roles on solar flares and solar eruptions. As for

solar flares, the rise of a flux rope can form a vertical current sheet and can trigger flare

reconnection. As for solar eruptions, plasma ejected from the solar atmosphere is regarded

as carried by a magnetic flux rope. The drastic acceleration of erupting prominences and

CMEs can also be explained by the instabilities of a flux rope.

In this section, we briefly review the observations of flux ropes, its relation to flares,

and the formation and eruption processes of a flux rope.

1.2.1 Observations of Magnetic Flux Ropes

In spite of its importance, a flux rope has not been observed directly in the lower solar

corona because of the difficulty in observing the magnetic field in the rarefied gas. How-

ever, indirect observational proofs of a magnetic flux rope have been found, such as solar

prominences, hot channels, and sigmoids.

As introduced in the CSHKP model, a prominence (or a filament on the disk) may be

supported by a flux rope. Observationally, some of the filaments are known to have op-

positely directed magnetic field toward the overlying arcades (the Kuperus-Raadu model,

proposed by Kuperus & Raadu, 1974), which suggests the existence of a flux rope. Figure

1.1 (b) shows a typical prominence observed by SDO/AIA on 2012 August 31. Theoret-
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ically, Kaneko & Yokoyama (2015) succeeded in reproducing a prominence from a flux

rope formation with magnetic reconnection and the thermal instability.

A sigmoid, which has a forward or inverse S-like curved structure seen in X-rays, is

another indirect evidence of a flux rope. Figure 1.4 (a) is an example of sigmoid and (b)

is the projection of the X-ray sigmoid to the photospheric magnetogram, reprinted from

Green & Kliem (2009). Figure 1.4 (b) shows that the forward S-shaped curve, that is

the same as Figure 1.4 (a), crosses the photospheric magnetic neutral lines. That implies

the existence of a twisted magnetic structure behind the sigmoid. From the theoretical

viewpoint, several MHD simulations suggested that a simulated flux rope could produce

electric current concentrations that morphologically resembled observed sigmoids (e.g.,

Fan & Gibson, 2003, 2004; Magara, 2006; Archontis et al., 2009).

Recently, hot channels on the limb have been observed by SDO/AIA 131 Å and 94

Å during solar flares and eruptions, as another proof of a flux rope. Figure 1.4 (c) is an

example of hot channels, observed by SDO/AIA 131 Å (Cheng et al., 2014a). Those were

concluded to be the appearance of flux ropes, because of their morphology, consistency

with the CSHKP model, and cospatiality with a prominence (Cheng et al., 2011, 2012,

2013a,b, 2014a,b,c; Zhang et al., 2012; Li & Zhang, 2013; Nindos et al., 2015). They are

sometimes called hot flux ropes, although the heating mechanisms of the flux ropes are

still unknown (Lee et al., 2015b). Especially, Nindos et al. (2015) conducted a statistical

survey on the hot flux ropes and concluded that about a half of eruptive flares in their

data set contained hot flux ropes. In their data set, hot flux ropes were more frequently

observed than prominences, suggesting flux ropes were often heated before or during

flares. Those observed signatures suggest that it would appear reasonable to believe that

a flux rope exists in most of the large flares and plays the significant roles.

8



Figure 1.4: Observational proofs of flux ropes. (a) A sigmoid observed by Yohkoh/SXT
on 1996 December 19, reprinted from Green & Kliem (2009). (b) Photospheric vertical
magnetic field observed by SOHO/Michelson Doppler Imager (MDI) with red contour
denoting the location of the sigmoid. This is also reprinted from Green & Kliem (2009).
(c) A hot channel observed by SDO/AIA 131 Å, corresponding to 11MK, reprinted from
Cheng et al. (2014a).
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1.2.2 Flux Rope’s Pre-existence and Causal Relationship Between

Flares and Eruptions

Some observations of sigmoids, prominences, and hot channels imply the pre-existence

of a flux rope prior to a flare. For example, Ouyang et al. (2016) found that 89% of the

erupting filaments in their data set had the magnetic flux rope structure. Green & Kliem

(2009) studied a sigmoid and a subsequent flare and found that the sigmoid was formed

before the drastic increase of X-ray emissions. Besides, Patsourakos et al. (2013) and

Cheng et al. (2014a) analyzed flare events and found that hot helical channels became

visible before the flares in those events. Therefore, they concluded that the flux rope

formations preceded the flare reconnection in those flare events. Those observational

findings imply that a significant number of flares have the pre-existing flux ropes that

play important roles on flare reconnection and eruptions.

However, the consensus on the causal relationship between flare reconnection and flux

rope formation or eruption has yet to be reached. We briefly discuss two possibilities of

the causal relationship; (1) a flux rope is formed and erupted first, then that produces flare

reconnection (flux rope-induced flare reconnection), and (2) a flare reconnection occurs

first, then that produces a flux rope as a result of the reconnection (flare reconnection-

induced flux rope formation). The pre-existing flux ropes found in observations are in

agreement with (1).

If a flux rope is formed before a flare independently and erupts, the eruption can

produce the vertical current sheet and flare reconnection (i.e. flux rope-induced flare

reconnection) (e.g., Aulanier et al., 2012; Magara, 2015) . Figure 1.5 (a) shows a result of

MHD simulation of an erupting flux rope by Aulanier et al. (2012). In their simulation,

the torus-unstable (see the following section for the explanation of the instabilities) flux

rope and the surrounding arcades were given as the initial condition, incorporating the

results of their previous simulations (Aulanier et al., 2010). As the flux rope (yellow and

magenta field lines) erupted upward, surrounding magnetic arcades (green and blue lines)

10



were pulled up. As a result, a vertical current sheet, shown in Figure 1.5 (b), was formed

below the erupting flux rope and flare reconnection occurred. This process is one of the

most promising mechanisms to form a vertical current sheet for flare reconnection and

reach a state described by the CSHKP model.

On the other hand, flare reconnection may be able to form a flux rope as its con-

sequence (i.e. flare reconnection-induced flux rope formation). For example, Notoya

(2006) and Kaneko & Yokoyama (2014) indicated that sheared magnetic arcades gave

rise to flare reconnection when they were compressed by the emerging flux tube close to

the edge of the arcades. In their simulations, the flare reconnection formed a flux rope

erupting to the upper boundary, which had the causal relationship opposite to the flux

rope-induced flare reconnection.

Since some flares provide clear evidences of pre-existing flux ropes, the majority of

flares may be explained by the flux rope-induced flare reconnection. To understand this

process, the formation processes of flux ropes prior to flares must be examined; thus this

thesis investigates the flux rope formation process prior to a flare. However, the flux

rope formation during a flare cannot be dismissed at present and we need more statistical

studies of the pre-existence of flux ropes.

1.2.3 Formation of Magnetic Flux Ropes

Formation processes of flux ropes, independent of and prior to flare reconnection, have

been studied by MHD simulations. Proposed physics of the flux rope formation by these

simulations may be classified into the following two: (1) sunspot rotation and (2) mag-

netic reconnection.

Sunspot rotation is an observed property of sunspots; the velocity field of sunspot

shows the rotational structure (e.g., Zheng et al., 2016), which may be able to twist up

coronal arcades on the photosphere. Figure 1.6 presents the formation process of a flux

rope from untwisted magnetic arcades through sunspot rotation on the photosphere. The
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Figure 1.5: A result of MHD simulation of a solar flare and eruption by Aulanier et al.
(2012). (a) Time evolution of magnetic field lines from two different viewpoints. The
yellow and magenta field lines compose an erupting flux rope and blue and green field
lines are the surrounding magnetic arcades. At t = 044tA, cusp-shaped post flare loops
resulting from flare reconnection are seen. (b) Two-dimensional contour plots of cur-
rent density on a vertical plane at y = −0.3, displaying a vertical current sheet of flare
reconnection.
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Figure 1.6: A schematic picture of the formation of a flux rope through sunspot rotation.
The white arrows depict the sunspot rotation on the photosphere, which twists up the flux
rope at the foot points.

rotational velocity fields can be produced by the emergence of twisted flux tubes (e.g.,

Longcope & Welsch, 2000; Magara, 2006). Especially, Fan (2009b) and Leake et al.

(2013) simulated a partial emergence of a twisted flux tube to the solar atmosphere, in

which sunspot rotation occurred after the emergence and formed a flux rope (see Section

1.3.2 for the detailed explanation of flux emergence). Figure 1.7 presents the formation

of a flux rope from the emergence of a twisted flux tube through sunspot rotation by Fan

(2009b).

The other process of flux rope formation is magnetic reconnection of two magnetic

sheared arcades. The idea of this mechanism was proposed by van Ballegooijen &

Martens (1989), in which reconnection of sheared arcades driven by the converging mo-

tions produces a twisted structure (Figure 1.8 (a)). Later, a number of MHD simulations

with coronal sheared arcades reproduced this process and the resultant flux rope (e.g.,

Amari et al., 2000, 2003a,b; Aulanier et al., 2010; Xia et al., 2014). For example, Xia

et al. (2014) reproduced this process from a linear force free bipolar system in the corona

with the bottom boundary representing the photosphere. They simulated the coronal evo-
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Figure 1.7: Flux rope formation through sunspot rotation caused by the emergence of a
twisted flux tube from the convection zone, reprinted from Fan (2009b). (a) A snapshot of
the emergence of a twisted flux tube from the convection zone at t = 65 in the normalized
unit of time. The green plane is the photosphere. (b) A snapshot of the flux rope formed
through sunspot rotation at t = 120. (c) The same as (b), but from the different angle.
(d) The z-component of vorticity on the photosphere at t = 118, which indicates the
photospheric counter-clockwise rotational flow (sunspot rotation) twisting up the coronal
flux tube at the foot points.
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lution by imposing photospheric shearing (twisting) motions and converging motions to

the polarity inversion line (PIL). Figure 1.8 (b) shows the phase of converging motion of

their simulation; the converging motions allowed the sheared arcades to reconnect with

each other, forming a flux rope.

Observations of sigmoids imply that both of the mechanisms exist and are important.

Savcheva et al. (2014) conducted a statistical survey on sigmoids and found the impor-

tant statistical characteristics of sigmoid formation. In their data set, 57% of sigmoids

were associated with flux cancellation and 35% of those were associated with flux emer-

gence. On the other hand, 118 flare events with sigmoids occurred during flux emergence,

whereas 100 events happened during flux cancellation. This study suggested that both of

the emergence and the cancellation were equally important for the formation of an erupt-

ing flux rope. We may be able to associate the flux emergence with the sunspot rotation

and the flux cancellation to the magnetic reconnection, in order to relate their survey to the

flux rope formation models. This may suggest that both mechanisms are almost equally

important for the formation of a flux rope.

In reality, to separate the sunspot rotation and reconnection is difficult and may not be

so meaningful. Instead, we need to consider how, where, and when these two mechanisms

work to form a flux rope in a complicated manner in real active regions.

1.2.4 Eruptions of Magnetic Flux Ropes

Flux ropes are essential for eruptions, since the flux ropes carry plasma into the outer

corona with a drastic acceleration. A flux rope can store plasma inside during the forma-

tion phase (e.g., Xia et al., 2014), which can be the source of eruptions. The acceleration

of plasma is also an important characteristic of eruptions and a flux rope may play a role

on the acceleration as well.

Observations of eruptions show drastic rises of plasma, which are often accelerated

to 100–200 km/s. The velocity is namely about 10–20 % of the Alfvén speed (vA), as-
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Figure 1.8: Flux rope formation through magnetic reconnection (cancellation) induced by
the converging flows to the sheared arcades. (a) A model proposed by van Ballegooijen &
Martens (1989). (b) Flux rope formation based on (a) in a MHD simulation by Xia et al.
(2014). The phase of converging motions is displayed. Before this phase, sheared arcades
were formed by rotational (shear) flows on the photosphere.
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Figure 1.9: (a) Observed time evolution of the height and velocity of a prominence erup-
tion by the kink instability on 2002 October 31, reprinted from Liu et al. (2007)). The
profile clearly shows that there was a drastic acceleration, attributed to the kink instability.
(b) The observed prominence in Hα and the Doppler shift (blue: toward, red: away), also
reprinted from Liu et al. (2007).

suming the coronal Alfvén speed is ∼ 1000 km/s. Here, the Alfvén speed is the speed

of the Alfvén wave, defined as vA =
√

B2/4πρ (B: magnetic field and ρ: density). For

example, Liu et al. (2007) studied an observed erupted prominence and found a drastic

acceleration, reaching about 100 km/s, namely 10% of the coronal Alfvén speed (See

Figure 1.9).

The sharp acceleration may be explained by the following two mechanisms: (1) the

MHD instabilities of a flux rope, (2) magnetic reconnection in the vicinity of a flux rope.

There are two MHD instabilities of flux ropes that are the proposed drivers for solar

eruptions: the kink instability and the torus instability. The kink instability is the instabil-

ity in which a highly twisted flux tube converts its twist to its writhe. The torus instability

is the instability caused by the mechanical imbalance between the hoop force of the flux

rope and the restoring force by the surrounding potential field (Bateman, 1978; Kliem &

Török, 2006).

MHD simulations of both the kink-unstable and torus-unstable coronal flux ropes suc-
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Figure 1.10: An eruption of a kink-unstable flux rope emerged from the bottom boundary
simulated by Fan & Gibson (2003). (a) Snapshots of an erupting flux rope from two
viewpoints. The flux rope indicated the rising and writhing motions. (b) Time evolution
of the height of the rope apex and the angle of apex field line.

ceeded in reproducing the observed rising velocity profile of prominences (e.g., Fan &

Gibson, 2003, 2004; Fan, 2005; Török & Kliem, 2005; Fan & Gibson, 2007; Aulanier

et al., 2010). Figure 1.10 (a) shows the results of MHD simulations of an eruption of a

kink-unstable flux rope emerged from the bottom boundary by Fan & Gibson (2003). The

time evolution of the velocity of the apex clearly shows an acceleration to about 10% of

the Alfvén speed in Figure 1.10 (b), which can explain typical observations of erupting

prominences. Furthermore, some of the observed erupted prominences presented their

morphological evolution resembling a simulated flux rope erupted by the kink instability

(e.g., Török & Kliem, 2005; Liu et al., 2007; Yan et al., 2014).
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Magnetic reconnection in the vicinity of a flux rope can also drive an eruption of the

rope. There are several models of eruptions given rise to by the reconnection. One of the

well-known models is the breakout reconnection proposed by Antiochos et al. (1999). In

this model, reconnection above the flux rope (breakout reconnection) leads to an ascent

of the rope (e.g., Lynch et al., 2008; Archontis & Török, 2008; Archontis & Hood, 2012;

Leake et al., 2014). This ascent produces a vertical current sheet below the rope, in which

another reconnection accelerates the flux rope further. Another well-known model is the

tether-cutting reconnection model, in which reconnection below a flux rope raise the flux

rope upward (e.g., Moore et al., 2001; Archontis et al., 2014). In addition, reconnection

between coronal arcades and emerging flux can also lead to a flux rope eruption (e.g.,

Chen & Shibata, 2000; Kusano et al., 2004; Notoya, 2006; Kusano et al., 2012; Kaneko

& Yokoyama, 2014). Figure 1.11, reprinted from Sterling & Moore (2004), is a schematic

of an observed filament eruption on 1999 April 18, summarizing the reconnection taking

place: the breakout reconnection and the tether cutting reconnection.

In most cases in observations, it is difficult to detect the primary driver of the accel-

eration of erupting flux rope among those drivers. In this thesis, we consider the kink

instability and reconnection above the flux rope. We will discuss the possibility of each

driver in our simulations in Chapter 6.

1.3 δ-sunspots and Flux Emergence

A δ-sunspot is a sunspot in which a positive pole and a negative one share a single penum-

bra. Figure 1.12 shows snapshots in continuum and of vertical magnetic field on the pho-

tosphere of an active region, NOAA AR11158, which appeared in 2011 February, taken

by Hinode/SOT. The snapshot of continuum (Figure 1.12 (a)) indicates that the central

penumbra contains two umbrae corresponding to the positive pole and the negative one in

the center in Figure 1.12 (b).
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Figure 1.11: A schematic of an observed eruption on 1999 April 18 by Sterling & Moore
(2004). In this event, they detected the breakout reconnection above the erupting filament
and the tether cutting reconnection below that. The black circle is the erupting filament
and colored lines are the magnetic field lines. The reconnection is shown with crosses.
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Figure 1.12: Snapshots of NOAA AR 11158 on 2011 February 14. Reprinted from http://
www.csac.hao.ucar.edu/csac/. (a) A continuum image by Hinode/SOT, showing two um-
brae sharing a single penumbra. (b) Longitudinal magnetic field (c.f. white=positive,
black=negative) by Hinode/SOT, indicating that the central positive pole was adjacent to
the central negative pole, surrounded by a single penumbra in (a).

1.3.1 δ-sunspots and Large Flares

Active regions, holding a δ-sunspot, are suggested to produce most of the largest flares

on the Sun by observational studies of solar flares. Sammis et al. (2000) conducted a sta-

tistical survey on the relations between active region categories and X-ray flux of flares.

Figure 1.13 summarizes the results by their study, presenting the relations between the

flare intensity and the shape and size of flaring active regions. They found that active

regions with δ-sunspots tended to have larger flares than equal-sized active regions with-

out δ-sunspots. Especially, all flares categorized as X4 (4 × 10−4Wm−2) or higher in

their data set occurred in active regions with δ-sunspots. Later, Toriumi et al. (2017)

conducted a statistical survey on large flares with M5.0 or greater in GOES soft X-ray

(SXR) magnitude occurred from May 2010 to April 2016. They confirmed that more than

80% of the active regions where those flares occurred were classified into active regions

with δ-sunspots. Since the large flares and eruptions are significant for space weather, the

processes and conditions of flares above δ-sunspots must be investigated.
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Figure 1.13: A plot of the X-ray intensity vs spot group area of flares in their data set.
Reprinted from Sammis et al. (2000). The symbols denote the categories of each active
region where the flare occurred. Notice that the label of the horizontal axis is incorrect in
this figure. See Notsu et al. (2013) for the corrected values; flares in the right side have
larger spot group than those in the left side, also read the text of Sammis et al. (2000).

1.3.2 Flux Emergence and δ-sunspot Formation

Flux emergence

Sunspots and active regions are believed to come from the magnetic flux tube in the con-

vection zone. In the dynamo theories, strong toroidal magnetic field can be produced in

the solar interior. The toroidal magnetic field is thought to rise up to the surface as a flux

tube because of the magnetic buoyancy.

The emerging processes of a flux tube have been studied by MHD simulations. The

simulations of a rising flux tube may be classified into the two categories: (1) an ascent in

the convection zone and (2) an emergence to the solar atmosphere.

Simulations of a rise of a flux tube inside the convection zone found that the flux tube

could keep its coherence and reach the near-surface layer if it was twisted enough (Fan,

2009a, and references therein). Moreover, the rising flux tube from the deep convection

22



zone experienced so called ”two-step emergence” during ascending, according to Toriumi

& Yokoyama (2011, 2012, 2013). The flux tube raised by magnetic buoyancy is prevented

from ascending at the near-surface layer because of the pile-up of plasma. Then, if the ris-

ing flux tube succeeded in piling up the magnetic flux in the near-surface layer to initiate

the magnetic buoyancy instability, it began ascending again and penetrated into the atmo-

sphere. These results suggested that the emergence of a flux tube to the solar atmosphere

could be simulated from the near-surface layer.

The emergence of a flux tube from the near-surface layer to the atmosphere has been

widely studied by MHD simulations (Cheung & Isobe, 2014, and references therein). This

process can produce sunspots, coronal loops, and a flux rope composing active regions.

We also conduct MHD simulations in this manner to address the atmospheric evolution

caused by a subsurface flux tube. We discuss the processes of δ-sunspot formation through

the flux emergence from the near-surface layer to the solar atmosphere in the following

part of this section.

δ-sunspot formation through flux emergence

The formation processes of δ-sunspots have not been fully understood. Observationally,

Zirin & Liggett (1987) categorized δ-sunspot formation processes into the following three

types, which may be able to explain most of the δ-sunspots.

1. The emergence of intertwined multiple positive and negative poles.

2. The emergence of satellite poles to the vicinity of a large pre-existing pole.

3. The merging of two bipolar sunspot pairs.

However, since the subsurface structure cannot be observed, MHD simulations are in-

dispensable for understanding the formation processes of δ-sunspots. In the MHD simula-

tions, those formation processes have been reproduced by the emergence of a subsurface

flux tube.
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Toriumi et al. (2014) studied a δ-sunspot formation resulted from the merging of two

bipolar sunspot pairs (i.e. corresponding to category 3 of Zirin & Liggett (1987)). They

simulated and compared the two cases of flux emergence (Figure 1.14 (a)); one is the

emergence of two bipolar pairs originating from the same flux tube (Case 1) and the other

is the emergence of two bipolar pairs originating from two separate flux tubes (Case 2).

In their simulations, only Case 1 succeeded in reproducing the merging of a positive pole

from a bipolar pair and a negative one from the other pair and the δ-sunspot formation

(Figure 1.14 (b) and (c)). That was because the subsurface magnetic connection was

necessary to form a δ-sunspot by the merging. Later, Fang & Fan (2015) simulated with

a very similar setup in the larger simulation box on a comparable scale to the observed

active regions and confirmed that the processes proposed by Toriumi et al. (2014) also

happened.

On the other hand, Takasao et al. (2015) simulated the emergence of a flux tube kinked

inside the convection zone. In their simulation, a compact quadrupolar active region

holding a δ-sunspot was produced, which might correspond to category 1 of Zirin &

Liggett (1987).

In reality, δ-sunspots would appear to be formed by both processes introduced in

the previous paragraphs. In particular, this thesis addresses on the δ-sunspot formation

through the merging of two bipolar sunspot pairs (i.e. the model proposed by Toriumi

et al. (2014)).

1.4 Remaining Problems

Since δ-sunspots are associated with larger flares that are important for solar physics and

space weather, it is significant to understand the processes from δ-sunspot formation to a

flux rope eruption. However, our understanding of how a flare and an eruption occur in

an active region with a δ-sunspot is considerably poor. In fact, δ-sunspot formation sim-

ulations conducted by previous studies (Toriumi et al., 2014; Fang & Fan, 2015; Takasao
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Figure 1.14: Models and simulation results of Toriumi et al. (2014). (a) Schematics of two
cases of Toriumi et al. (2014). (b) Snapshots of photospheric longitudinal magnetic field
of Case 1, indicating a δ-sunspot formation. (c) Snapshots of photospheric longitudinal
magnetic field of Case 2; no δ-sunspots were formed.
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Figure 1.15: Coronal magnetic field lines after the δ-sunspot formation. (a) Results of
Toriumi et al. (2014). Blue field lines are original bipolar loops. Red field lines are
reconnected field lines connecting outer poles and green field lines are those connecting
inner poles. The yellow contour is the isosurface of current density, displaying the current
sheet where magnetic reconnection occurs. (b) Results of Fang & Fan (2015). Red field
lines are original bipolar loops. Magenta field lines are reconnected field lines connecting
outer poles and blue field lines are those connecting inner poles.

et al., 2015) could not explain either a pre-existing flux rope or flare reconnection forming

a flux rope. Therefore, the location, the processes, and the required conditions of a flare

and a flux rope eruption during or after the δ-sunspot formation have not been investigated

yet.

As for the δ-sunspots belonging to category 3 of Zirin & Liggett (1987), Toriumi

et al. (2014) and Fang & Fan (2015) studied not only the photospheric evolution, but also

the coronal evolution in their simulations. Figure 1.15 shows the coronal magnetic field

of Toriumi et al. (2014) and Fang & Fan (2015) after the δ-sunspot formation. In their

simulations, two bipolar arcades expanded to the corona after the flux emergence and sub-

sequently reconnected with each other at the center. The reconnection produces two new

arcades; one connects inner poles below the other connecting outer poles. Nevertheless,

both reconnected arcades did not form an erupting flux rope in their simulations.

As for the flux rope formation above a δ-sunspot, it is inferable that the sunspot rota-

tion can play a role since a δ-sunspot can be reproduced by the complex emergence of a

twisted flux tube. In fact, observational studies of δ-sunspots have found sunspot rotation
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in active regions holding a δ-sunspot: e.g. NOAA AR 11158 (e.g., Zheng et al., 2016)

and NOAA AR 11283 (e.g., Ruan et al., 2014). Nevertheless, whether a flux rope can

be formed in non-bipolar active regions through sunspot rotation is still unclear. That

is because most of the simulations adopted an emerging flux tube with a single buoy-

ant segment that forms a single bipolar system. In those simulations, the location of a

formed flux rope is restricted to the emerging bipolar sunspot pair. In contrast, an active

region with a δ-sunspot has much complex magnetic configuration produced by coronal

reconnection and photospheric motions. Whether the sunspot rotation, produced by flux

emergence, can form a flux rope in such non-bipolar active regions with δ-sunspots is not

therefore obvious.

Moreover, there is a remaining problem for eruptions. Certainly, simulations of solar

eruptions by MHD instabilities have succeeded in reproducing the rising profile of flux

ropes. However, since most of the simulations adopt a flux rope that is unstable to the

kink instability or the torus instability at the beginning, whether the flux rope formation

mechanisms introduced in the previous section can produce such flux ropes that satisfy

the conditions for the instabilities is not clear.

In summary, there are two remaining questions in terms of flares and eruptions in

active regions with δ-sunspots.

• How and where is a flux rope formed during or after a δ-sunspot formation (with

sunspot rotation)?

• Is it possible for a flux rope formed during or after a δ-sunspot formation to satisfy

the conditions for the eruption (instabilities)?

These questions must be answered in order to understand the largest flares on the Sun,

most of which occur in the active regions holding a δ-sunspot.
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1.5 Aim of This Thesis

In this thesis, we investigate the processes of a flux rope formation and eruption in an

active region holding a δ-sunspot. In order to specify the addressing issues, this thesis

only focuses on δ-sunspots in category 3 of Zirin & Liggett (1987), simulated by Toriumi

et al. (2014) and Fang & Fan (2015). For that aim, we conduct three-dimensional MHD

simulations of flux emergence, based on a model proposed by Toriumi et al. (2014). Since

they did not reproduce (erupting) flux ropes, we modulate the parameters of the subsurface

flux tube and coronal magnetic conditions in order to investigate the flux rope formation

and eruption.

Benefits and necessity of our method for fulfilling our aim

We briefly summarize the benefits and necessity of our method for pursuing the objec-

tives of this thesis. Since the observation of the subsurface magnetic structure is strongly

limited, MHD simulations are the only way to probe the atmospheric evolution originat-

ing from the subsurface magnetic structure. In terms of the flux rope formation, coro-

nal simulations with the photospheric boundary have been widely used. However, we

cannot investigate how and where a flux rope is formed in an emerging active region

by this method, because the formation mechanisms and the locations of a flux rope in

such simulations totally depend on the artificially introduced motions on the photospheric

boundary. To understand the physical processes of the flux rope formation in an active

region correctly, we need to conduct a MHD simulation with the convection zone where

the original emerging flux tube exists. Especially, in order to understand the photospheric

motions, which are one of the most important ingredients for the flux rope formation,

magnetic connection between the convection zone and the corona must be studied, which

determines the Lorentz force on the photosphere. Besides, some of the previous stud-

ies adopted the zero-β or considerably low β isothermal MHD simulations to investigate

the flux rope formation and eruption in the corona. However, recent MHD simulations of
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coronal loops have found that the coronal magnetic system was determined by the balance

between the Lorentz force and gas pressure gradient force even in the low-β atmosphere

(Warnecke et al., 2016). This result indicated that we needed to consider the gas pressure

properly by solving MHD equations to understand coronal magnetic structures. For these

reasons, MHD simulations considering the convection zone to the corona are required to

investigate the flux rope formation and eruption in an emerging active region.

Structure of this thesis

The remainder of this thesis is laid out as follows. Chapter 2 presents the numerical

setup of the simulations. The results of the simulations are described in Chapters 3, 4,

and 5. Chapter 3 shows the results of a δ-sunspot formation and a flux rope formation.

The eruption process of the flux rope is presented in Chapter 4. We demonstrate the

results of a parameter survey on the variables of the subsurface flux tube and the coronal

magnetic field in Chapter 5. We discuss the results and compare them to the observations

and previous studies in Chapter 6. Finally, the summary and the conclusion are given in

Chapter 7.
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Chapter 2

Numerical Setup

We conduct MHD simulations adopting a simulation box modeling the upper convec-

tion region to the corona. The emergence of a subsurface flux tube is calculated in the

Cartesian coordinate.

2.1 Equations

The MHD equations are

∂ρ

∂t
+∇ · (ρv) = 0, (2.1)

∂(ρv)

∂t
+∇ ·

(
ρvv + pI − BB

4π
+

B2

8π
I

)
− ρg = 0, (2.2)

∂B

∂t
+ c∇×E = 0, (2.3)

∂

∂t

(
p

γ − 1
+

1

2
ρv2 +

B2

8π

)
+∇ ·

[(
γ

γ − 1
p+

1

2
ρv2

)
v +

c

4π
E ×B

]
− ρg · v = 0,

(2.4)

E =
4πη

c2
J − 1

c
v ×B, (2.5)

J =
c

4π
∇×B, (2.6)

31



Table 2.1: The units for normalization
Physical quantities Unit Value
Gravitational acceleration γg0 5/3× 2.7× 10−1 km s−1

Temperature T0 5600 K
Density ρ0 1.4× 10−7 g cm−3

Length H0 ≡ kBT0/(mg0) 170 km

Velocity v0 ≡
√

γkBT0/m 8.8 km s−1

Time τ0 ≡ H0/v0 19 s
Pressure p0 ≡ γ(kB/m)ρ0T0 5/3× 6.3× 104 dyn cm−2

Magnetic field strength B0 ≡ (ρ0v
2
0)

1/2 330 G
Current density J0 ≡ cB0/(4πH0) 0.15 A m−2

Magnetic diffusivity H0v0 1.5× 1013 cm2 s−1

Energy En0 ≡ γρ0(kB/m)T0H
3
0 5.3× 1026 erg

where, ρ is the density, v is the velocity vector, p is the gas pressure, I is the unit tensor,

B is the magnetic field, c is the speed of light, g is the gravity vector, E is the electric

field, η is the magnetic diffusivity (hereafter, resistivity), and J is the current density. The

gravity is g = (0, 0,−g0), where g0 = 2.7×10−1km s−1 is the photospheric gravitational

acceleration of the Sun. We assume the specific heat ratio γ = 5/3, and the equation of

state for the ideal gas:

p =
kB
m

ρT, (2.7)

where kB is the Boltzman constant and m is the mean molecular mass. We assume m is

constant as m = mp = 1.7×10−24g, where mp is the mass of a proton. The equations are

solved in the non-dimensional form normalized with the units summarized in Table 2.1.

The units of length H0 = kBT0/(mg0) and velocity v0 =
√
γkBT0/m are the pressure

scale height and the sound speed on the photosphere, respectively. The temperature T0 =

5600K and the density ρ0 = 1.4 × 10−7g cm−3 are also the photospheric values. The

other variables are normalized by combining those values.

We adopt the anomalous resistivity model in the following form:
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Ts(z) =



Tph + z
(
dT
dz

)
ad

(for z < zph),

Tph (for z ≥ zph and z < ztr),

Tph

(
Tcor

Tph

)(z−ztr)/(zcor−ztr)
(for z ≥ ztr and z < zcor),

Tcor (for z ≥ zcor),

(2.8)

where the parameters are given as ηmin = 0.001H0v0, ρη = 0.01ρ0, η0 = 0.01H0v0,

vc = 1000mJ0/(eρ0). Here, vd is the relative ion-electron drift velocity, defined as vd =

m|J |/(eρ) where e is the elementary charge. We set an upper limit on η: ηmax = 1.0H0v0.

The simulations are conducted using the module of the modified Lax-Wendroff scheme

(Rubin & Burstein, 1967) with the artificial viscosity (Lapidus, 1967) in CANS, which is

maintained by Yokoyama et al.

2.2 Numerical Domain and Boundary Conditions

The computational box is (−180,−180,−30) ≤ (x/H0, y/H0, z/H0) ≤ (180, 180, 250),

resolved by 3843 non-uniform grids. In the x and y directions, the grid spaces are taken

as ∆x = 0.5H0 and ∆y = 0.5H0 for (−60,−60) ≤ (x/H0, y/H0) ≤ (60, 60), and

gradually increase to 3H0. In the z direction, ∆z = 0.2H0 is taken for −20 ≤ z/H0 ≤ 20

and gradually increases to 2H0

As for the boundary condition, periodic boundaries and symmetric boundaries are

assumed in horizontal directions and a vertical direction respectively. A wave damping

zone is attached to the top boundary to suppress the influence of reflected waves.

2.3 Initial Condition

The initial stratified background is assumed as follows. The bottom layer is the convection

zone, in which the temperature decreases adiabatically with height. The second layer
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from the bottom is the photosphere/chromosphere, having the constant temperature at the

beginning. The third layer from the bottom is the transition region where the temperature

increases from the photospheric value to the coronal one. The top layer is the corona,

whose temperature is initially constant. The temperature profile is summarized as follows.

Ts(z) =



Tph + z
(
dT
dz

)
ad

(for z < zph),

Tph (for z ≥ zph and z < ztr),

Tph

(
Tcor

Tph

)(z−ztr)/(zcor−ztr)
(for z ≥ ztr and z < zcor),

Tcor (for z ≥ zcor),

(2.9)

where T0 = 5600K, Tph = T0, Tcor = 150T0, zph = 0H0 ,ztr = 10H0, and zcor = 20H0.(
dT
dz

)
ad

is the adiabatic temperature gradient:

(
dT

dz

)
ad

= −γ − 1

γ

mg0
kB

. (2.10)

The initial gas and density profiles are given so as to satisfy the hydrostatic condition,

dps(z)

dz
+ ρs(z)g0 = 0, (2.11)

where ps and ρs denote the background values for the gas pressure and density respec-

tively. The initial background stratification is summarized in Figure 2.1.

The subsurface magnetic flux tube introduced initially is given as follows.

B(r) = Bx(r)x̂+Bϕ(r)ϕ̂, (2.12)

Bx(r) = Btube exp

(
− r2

R2
tube

)
, (2.13)

Bϕ(r) = qrBx(r), (2.14)

where r =
√
(y − ytube)2 + (z − ztube)2 is the distance from the axis of the tube, Rtube =
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Figure 2.1: Vertical distributions of initial background temperature T (solid line), pressure
p (dotted line) and density ρ (dashed line).

3.5H0 is the radius of the tube, and Btube is the magnetic field strength at the tube center.

Here, x̂ is the unit vector along the x-direction while ϕ̂ is the azimuthal unit vector along

the circumference of the tube. The flux tube is embedded at ytube = 0H0 and ztube =

−12H0, in which ytube and ztube denote the position of the tube axis in the y and z-

directions, respectively. Here, q is the twist parameter that determines the twist of the flux

tube.

In order to obtain the mechanical balance, the gas pressure inside the tube is extracted

as

δpexc =
B2

x(r)

8π

[
q2

(
R2

tube

2
− r2

)
− 1

]
, (2.15)

where p is given as p = ps(z) + δpexc.

Then, the density perturbation is introduced in order to make the two segments buoy-

ant.

δρexc =
δpexc
ps

ρs

[
exp

(
−(x− xd)

2

λ2

)
+ exp

(
−(x+ xd)

2

λ2

)]
, (2.16)

where ρ is given as ρ = ρs(z) + δρexc. Here, xd = 20H0 determines the location of the
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Figure 2.2: Summary of the setup of our simulations. The vertical planes display the
distribution of temperature and the yellow tube is the embedded subsurface flux tube.

buoyant segments, and λ = 5H0 is the width of the perturbation. This means that the two

segments whose centers are at x = ±xd are lighter than the surrounding and rise up by

the buoyancy. The part of the flux tube away from x = ±xd, where |(x − xd)| ≫ 0 and

|(x+ xd)| ≫ 0, is mechanically balanced at the beginning.

The setup of the simulations in this thesis is summarized in Figure 2.2; the temperature

profile is shown on the vertical planes and the subsurface flux tube is depicted with yellow

field lines.

2.4 Limitations of This Numerical Setup

We briefly summarize the limitations of this numerical setup, which are necessary to con-

duct the simulations. The size of resultant sunspots is more than ten times smaller than the

observed sunspots, which comes from the size of the initial flux tube and the simulation

box. The magnetic field strength of the flux tube is also small, which results in coronal

magnetic field strength ∼ 1G (see Appendix A). This value is about ten times smaller
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than the real coronal magnetic field. In addition, the effects of radiation in the atmosphere

and partial ionization in the photosphere and the chromosphere are not considered. The

effects and the justification of these limitations are discussed in Chapter 6.
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Chapter 3

Result1: Flux Rope Formation

3.1 Introduction

In this chapter, as a typical case of the flux rope formation, the results of a simulation with

Btube = −15B0, qH0 = 0.35, and Rtube = 3.5H0 are shown.

3.2 Initial Evolution

First, the two buoyant segments of the subsurface flux tube begin rising up to the photo-

sphere. Figure 3.1 (a) and (b) show the snapshots of the subsurface flux tube at t = 0τ0

and t = 40τ0, respectively.

As the flux tube rises up in the convection zone, the rising segments form two bipolar

sunspot pairs on the photosphere (see t = 50τ0 in Figure 3.2). We define the photospheric

polarities as P1, P2, N1, and N2 as denoted on the top left panel in Figure 3.2. As shown in

Figure 3.2, the positive polarity and the negative polarity move to the opposite directions

against each other in each pair after the emergence. Especially, Figure 3.3 displays the

velocity fields at each time step, clearly indicating the diverging motions inside each pair.

Since these diverging motions become directed along the PIL between P1 (P2) and N1

(N2) (see t = 90τ0 in Figure 3.3) after the initial emerging phase with diverging motions
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Figure 3.1: The subsurface flux tube rising up at the two buoyant segments. (a) t = 0τ0.
(b) t = 40τ0. The gray plane depicts the photosphere.

to every direction (see t = 50τ0 in Figure 3.3), those are sometimes referred to as shearing

motions. Consequently, P2 and N1 merge at the center and show the shearing motions

between the two polarities (see t = 130τ0 in Figure 3.3).

The shearing motions inside the bipolar sunspot pairs result from the Lorentz force,

which was also found in previous studies of an emerging flux tube with a single buoyant

segment (Fan, 2001; Manchester et al., 2004; Magara, 2006; Leake et al., 2013, 2014).

Figure 3.4 shows the Lorentz force on the two field lines at t = 80τ0. The Lorentz force

acts as the vertically expanding force on the loop top and horizontally diverging force at

the feet on the photosphere.

As the flux tube emerges to the solar atmosphere, two bundles of Ω-shaped loops

(hereafter, we call “Ω-loops”) from the two bipoles on the photosphere expand to the

corona. Figure 3.5 (a) and (c) show selected field lines from the two bipolar pairs of the

emerging flux tube at t = 80τ0 and t = 120τ0, respectively. The isosurfaces of magnetic

field strength |B| = 0.04B0 at the same time steps are displayed in Figure 3.5 (b) and (d),

which indicate the further expansion of the two bipolar magnetized regions to the corona.
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Figure 3.2: Photospheric evolution of the longitudinal magnetic field of two bipolar mag-
netic systems.
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Figure 3.3: Photospheric evolution of the horizontal velocity field, overlying the longitu-
dinal magnetic field shown in Figure 3.2.

42



Figure 3.4: The Lorentz force on the two field lines at t = 80τ0 is depicted with the
arrows. The colors show the magnitude of the force. Only those between P1 and N1
are presented. The photospheric longitudinal magnetic field is shown in black and white.
The same colorbar is used in the following 3D snapshots throughout this chapter. F0 ≡
γ(kB/m)ρ0T0/H0 = 3.7× 10−3 dyne cm−3.
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Figure 3.5: The expansion of two bipolar magnetic systems to the corona. (a) Selected
field lines composing Ω-loops at t = 80τ0. (b) An isosurface of magnetic field strength
|B| = 0.04B0 at t = 80τ0. (c) Selected field lines composing Ω-loops at t = 120τ0. (d)
An isosurface of magnetic field strength |B| = 0.04B0 at t = 120τ0.
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3.3 Current Sheet Formation and Magnetic Reconnec-

tion

As a result of the expansion of two bipolar regions in the corona, Ω-loops from the two

bipolar sunspot pairs collide in the corona. This collision leads to the current sheet for-

mation and consequent reconnection. Figure 3.6 (a) and (b) show reconnecting field lines

in the inflow regions and reconnected field lines in the outflow regions, respectively. Blue

Ω-loops from P1 and N1 and red Ω-loops from P2 and N2 in Figure 3.6 (a) expand as

the emergence proceeds. Then, the two expanding arcades merge at the center and form a

current sheet since the two loops have the opposite directions in terms of the z-direction

(Figure 3.6 (c)). Figure 3.6 (d) shows the velocity field on the y = 0 plane, indicating that

there are the inflow regions on the both sides of the current sheet and the outflow regions

below and above the current sheet. The current sheet becomes the diffusion region for

the reconnection that produces reconnected field lines in the outflow regions (Figure 3.6

(b)). In the outflow regions, the yellow field lines in the lower region connect the outer

two poles P1 and N2, whereas the green field lines in the upper region bridge the inner

two poles P2 and N1 above the yellow ones. In Appendix B, we refer to the electric

current structures held by these magnetic structures as ones reminiscent of the pre-flare

brightening observed before the X2.2 class event in NOAA AR 11158.

In addition, we notice that the reconnecting field lines are weakly twisted, which is

because the emerged subsurface flux tube is originally twisted. As a consequence, the

reconnected field lines also become twisted. Especially, the yellow field lines in Figure

3.6 (b) compose a weakly twisted flux rope. The green field lines are also weakly twisted

just after the reconnection, but they spread out in the outflow region and do not form a

flux rope. This difference between the yellow field lines and the green field lines implies

that to keep a coherent structure suppressed by other flux system is important for the flux

rope formation. In previous studies of the flux rope formation by Leake et al. (2013) and
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Xia et al. (2014), this suppressing system was provided by the initial conditions or the

boundary motions, which led to the formation of a mechanically balanced flux rope. In

contrast, the reconnection between the two bipolar arcades in a quadrupolar active region

can produce a flux rope and overlying arcades at the same time spontaneously in this

simulation.

3.4 Flux Rope Formation and Sunspot Rotation

As shown in section 3.3, the reconnected field lines connecting P1 and N2 form a (weakly

twisted) flux rope. In the later phase, a more twisted thick flux rope is formed. Figure 3.7

shows the flux rope at t = 250τ0.

The evolution of the flux rope is due to the photospheric rotational flow adding twist to

the flux rope, as well as the reconnection at the center. Figure 3.8 shows the photospheric

flow at t = 250τ0. The photospheric flow shows clockwise rotations in the outer two

poles, whereas it appears as shear flows in the inner poles.

The photospheric rotational flow is driven by the Lorentz force. Longcope & Welsch

(2000) conducted an analytic study of the emergence of a twisted flux tube and indicated

that the gradient of twist along the flux tube from the convection zone to the corona in-

duced the bi-directional torsional Alfvén waves. Those waves accompanied the rotational

motions on the photosphere which twisted up the coronal flux tube at the foot points.

The analytic studies by Longcope & Klapper (1997) and Longcope & Welsch (2000) pro-

posed that the torque by the Lorentz force τz on the segment (z, z + ∆z) of a thin flux

tube emerging to the atmosphere can be written as

τz =
1

16
a4B2

z

∂α

∂z
∆z, (3.1)

where a is the radius of a flux tube and α is the force-free parameter, defined as α ≡

((∇×B) ·B) /B2. The exact form of the equation given above was deduced by Fan
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Figure 3.6: The collision of two bipolar arcades: reconnection and the current sheet. (a)
Selected reconnecting field lines in the inflow regions. (b) Selected reconnected field lines
in the outflow regions. (c) A current sheet formed by the collision of two Ω-loops. The
contour shows the isosurface of J = 0.002J0. (d) Velocity field on the y = 0 plane. The
translucent contour is the same as in (c). This figure indicates that there are inflow regions
on the left and right sides of the current sheet and outflow regions below and above the
sheet.
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Figure 3.7: A flux rope (yellow field lines) with overlying arcades (green field lines) at
t = 250τ0.

(2009b), modifying the work by Longcope & Welsch (2000).

MHD simulations of the emergence of a twisted flux tube with a single buoyant seg-

ment also showed the rotational motions (Magara, 2006; Fan, 2009b; Leake et al., 2013,

2014; Sturrock et al., 2015; Sturrock & Hood, 2016). Especially, Fan (2009b) calculated

the value of the force-free parameter α along several field lines composing a flux rope in

the corona, and found that the field lines had a strong gradient of α against height around

the photosphere. They concluded that the rotational flow was produced by the mechanism

found by Longcope & Welsch (2000). In addition, Fan (2009b) and Leake et al. (2013)

showed a coronal flux rope formation due to this photospheric sunspot rotation.

In our simulation, the same mechanism works and leads to the flux rope formation.

Figure 3.9 indicates the distribution of α on the selected field lines in the flux rope at

t = 190τ0. The variation of α against height on each field line shows that there exist

strong gradients of α around the photospheric layer, which can produce the torque acting
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Figure 3.8: The velocity field on the photosphere at t = 250τ0. The arrows show the
absolute value and direction of the velocity at each point where |v| ≥ 0.05v0. The color
also shows the absolute value.

on the flux rope on the photosphere. The distribution of α in this simulation has the

same tendency as that of Fan (2009b) and Leake et al. (2013), evidencing that the same

mechanism is working in our simulation.

In particular, the outer poles indicate clear rotational motions whereas the inner poles

demonstrate a relatively complicated flow structure as shown in Figure 3.8. This may be

because the Lorentz force works in a complex manner in a δ-sunspot region where the

magnetic structure deviates from that of a simple bipolar simulation.

We can roughly estimate the twist added to the flux rope by the photospheric sunspot

rotation from the photospheric flow. The radius of the flux rope on the photosphere is

about 5H0 and the rotational velocity is about 0.1v0. Hence, the circumference is about

30H0 and the rate of increase in twist of the rope at the two foot points is 0.007 turns/τ0.
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Figure 3.9: The distribution of α on the field lines at t = 190τ0. (a) The distribution of
α on the field lines as a function of z. The colored symbols show the calculated value at
each point. The colors correspond to those of the field lines in (b). (b) Selected field lines
for the calculation of α. The field lines are taken from (x, y, z) = (0, 0, 90H0)[red cir-
cles], (0, 0, 100H0)[yellow diamonds], (0, 0, 110H0)[green triangles], (0, 0, 120H0)[blue
squares]. The black line is the z-axis where the seeds of field lines are taken from.

3.5 Characteristics of the Flux Rope

Finally, we examine several characteristics of the formed flux rope and confirm that it

should be referred to as a “flux rope”, equivalent to those formed in previous studies.

Figure 3.10 shows poloidal field lines on the x = 0 plane at t = 250τ0, clearly

indicating the O-point structure that is a two-dimensional projection of a flux rope. This

O-point structure was also found and regarded as the evidence of the existence of a flux

rope in the previous numerical studies of the flux rope formation (e.g., Archontis & Török,

2008; Fan, 2009b; Leake et al., 2013; Xia et al., 2014).

We also calculate the twist of the flux rope, following Berger & Prior (2006), Guo

et al. (2010), and Xia et al. (2014). In their formalization, the twist of a field line against

the axis field line (T ) is given by

dT
ds

=
1

2π
et(s) ·

(
ev(s)×

dev(s)

ds

)
, (3.2)
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Figure 3.10: The O-point on the x = 0 plane at t = 250τ0. The lines are the poloidal field
lines of the flux rope. The colors show the sign of the y-component of the magnetic field:
positive (red) and negative (blue).

where s is the position of the axis field line, et(s) is the tangential unit vector of the axis

field at each point, and ev(s) is the unit vector which is defined at each point of the axis

field to be normal to it and directed to the field line whose twist is calculated. We calculate

the twist of several field lines against the axis field which goes through the O-point on the

x = 0 plane. The calculated twist of the field lines are shown in Figure 3.11 with the

selected field lines and the axis field. By this calculation, we confirm that the field lines

near the axis have twist larger than 1 turn above the photosphere, which was also obtained

by the flux rope formed in a simulation by Xia et al. (2014).

Table 3.1: Table of the calculated twist of the four field lines (red, yellow, green, blue
lines) against the axis field line (thick black line) in Figure 3.11. The field lines are drawn
from (x, y, z) = (0, 0, zseed).

Color zseed/H0 Twist T [turns]
Red 121 1.0
Yellow 126 1.2
Green 136 1.4
Blue 141 1.3

Those two pieces of evidence indicate that we succeed in forming a “flux rope”.
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Figure 3.11: The selected field lines (red, yellow, green, blue field lines) for the calcula-
tion of twist and the axis field line (black field line). The calculated values are presented
in Table 3.1. Notice that the field lines have no correspondence to the field lines in Figure
3.9.

Whether this flux rope is static or eruptive is shown in the next chapter.
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Chapter 4

Result2: Flux Rope Eruption

4.1 Introduction

In this chapter, we compare the two cases with respect to eruptivity; one is with the pre-

existing potential field (Case P) and the other is without that (Case N). The basic parame-

ters are the same as Chapter 3, but the simulation box is expanded to (−320,−320,−30) ≤

(x/H0, y/H0, z/H0) ≤ (320, 320, 400), which is resolved by 480 × 480 × 455 non-

uniform grids.

4.2 Ascent of the Flux Rope

4.2.1 Overview of Case N

Case N is the simulation with the same setup as in Chapter 3 adopting a larger simulation

box. Figure 4.1 shows the snapshots of the magnetic structure at (a) t = 300τ0 and (b)

t = 375τ0, respectively. In Case N, the flux rope connecting outer poles expands slightly

after the formation. However, the surrounding arcades connecting inner poles (green field

lines in Figure 4.1) suppress the expansion; thereby the flux rope stops rising.

Figure 4.2 displays the three-dimensional structure of the electric current with sev-

eral field lines near the current concentration at t = 375τ0. We notice that the forward-S
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Figure 4.1: The evolution of the flux rope in Case N. (a) The selected field lines at t =
300τ0. The yellow field lines are those connecting outer polarities and the green field lines
are those connecting inner polarities. (b) The selected field lines at t = 375τ0. The use of
colors is the same as (a). The depicted field lines do not correspond one-to-one to those
in (a). The authors tried to select field lines to follow the evolution of the same structure
in (a) and (b); these efforts are also made in the following figures displaying the time
evolution of the magnetic structures. We use the same color table for the photospheric
longitudinal magnetic field as in Chapter 3 throughout this chapter and the following
chapters.

shaped electric current concentration coexists with a flux rope in Figure 4.2 (a), reminis-

cent of observed sigmoids.

4.2.2 Overview of Case P

Case P introduces an initial pre-existing potential field in the simulation. The potential

field is given by

By = Ba cos(
πy

2La

) exp(− πz

2La

) (4.1)

Bz = −Ba sin(
πy

2La

) exp(− πz

2La

) (4.2)

where Ba = −0.025B0 determines the strength of the pre-existing field and La = 82H0

designates the width and the decaying rate of the potential field. The direction of the pre-

existing field is set to reconnect with the overlying arcades of the emerging field (green
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Figure 4.2: The three-dimensional structure of the coronal electric current with several
field lines near the concentration at t = 375τ0. The bottom horizontal black plane is
located at z = 40H0. (a) Top view. (b) Side view.

field lines in Figure 4.1). The initial configuration of the pre-existing field is shown in

Figure 4.3.

Figure 4.4 presents the overview of the evolution of the erupting flux rope. At first,

the flux rope is overlain by the arcades bridging the inner polarities on the photosphere

as in Case N (Figure 4.4 (a)). In contrast to Case N, as emergence of the subsurface flux

tube proceeds, the overlying arcades reconnect with the pre-existing field. This recon-

nection removes the suppressing arcades, allowing the flux rope to rise up further. The

reconnecting field lines from the emerging field and the pre-existing field at t = 175τ0

are shown in a close-up view in Figure 4.5 as well as the reconnected field lines. After all

of the surrounding arcades disappear, the top of the flux rope starts reconnecting with the

pre-existing field, which removes most of the pre-existing magnetic flux above the rope

apex (Figure 4.4 (b)). Then, the flux rope rises up to the top boundary spontaneously with

writhing, as shown in Figure 4.4 (c) and (d).
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Figure 4.3: The initial pre-existing potential field in Case P. The magenta arcades are the
selected field lines of the pre-existing potential field on the x = 0 plane. The yellow tube
is the initial subsurface flux tube. The bottom horizontal plane presents the y-component
of the magnetic field on that plane. The vertical planes display the magnetic field strength
at each height.

4.2.3 Comparison of Time Evolution of Rope Apex Height Between

Case N and Case P

Figure 4.6 shows the time evolution of the height of the flux rope apex in Case N and

Case P. In Case N, the ascent of the flux rope stops at t = 350τ0. On the other hand,

the time evolution of the height of the flux rope of Case P deviates from that of Case N

at t = 200τ0 and breaks into the further ascent. The mean ascending speed of the flux

rope apex from t = 200τ0 to t = 350τ0 in Case P is ∼ 1.4v0, which is ∼ 0.1vA0, namely

10% of the coronal Alfvén speed (see Appendix A for the determination of the reference

Alfvén speed vA0).
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Figure 4.4: The evolution of the flux rope in Case P. The yellow field lines are those
connecting P1 and N2. The green field lines are those bridging P2 and N1. The magenta
field lines are those belonging to the pre-existing potential field. The use of colors is the
same in the following snapshots as well. (a) t = 175τ0. (b) t = 250τ0. (c) t = 325τ0. (d)
t = 375τ0.
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Figure 4.5: A close-up view of the region of reconnection between the arcades (green field
lines) from emerging field and the pre-existing arcades (magenta field lines) at t = 175τ0,
in Figure 4.4 (a). The navy field lines are the reconnected ones.
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Figure 4.6: The time evolution of the apex height of the flux rope in Case N (black dotted
line with +) and Case P (magenta dashed line with *).
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4.2.4 Forces Acting on the Flux Rope

We also compare Case N and Case P with respect to the forces acting on the flux rope. Fig-

ure 4.7 (a) shows the z-component of forces acting on the flux rope at around t = 350τ0

in Case N (see Figure 4.7 (b) for the calculated segment and the magnetic structure in

the vicinity). The apex of the rope (i.e. the border between the flux rope and overly-

ing arcades) is located at z = 238H0. The overall force balance is held by the upward

magnetic pressure gradient force, the downward magnetic tension force and gravity force,

and the compensating gas pressure gradient force. In particular, magnetic tension force

suppresses the ascent whereas gas pressure gradient force and magnetic pressure gradi-

ent force combine for expanding vertically in the upper part of the flux rope. This force

balance at the rope apex was also found in a previous study by Xia et al. (2014). In their

simulation, the downward Lorentz force balanced with the upward gas pressure gradient

force in the upper part of the formed flux rope, which produced a quasi-static state of the

flux rope.

Figure 4.8 (a) presents the forces at the rope apex at t = 325τ0 in Case P (see Figure

4.8 (b) for the calculated segment and magnetic structure around it). In this case, mag-

netic pressure gradient force helps the flux rope rise up, but gas pressure gradient force,

magnetic tension force, and gravity force suppress the ascent. In particular, magnetic

pressure gradient force becomes larger than magnetic tension force in the upper part of

the flux rope, where 315H0 ≤ z ≤ 332H0, which makes the total Lorentz force upward.

This Lorentz force is the driver of ascent of the flux rope.

The difference in terms of the direction of the vertical Lorentz force between Case N

and Case P indicates that the two are in different states: a static state and an ascending

state, since the gas pressure gradient force could work to balance with the Lorentz force

in the coronal emerging field in MHD simulations (Warnecke et al., 2016). This driving

mechanism of the upward motion is the same as the kink instability, in which the sharp

gradient of magnetic pressure against height leads to the explosive ascending of a flux

60



Figure 4.7: (a) The z-component of the forces on the z-axis at t = 350τ0 in Case N:
magnetic tension force (blue solid line), magnetic pressure gradient force (red dotted line),
gas pressure gradient force (orange dashed line), gravity force (green dash-dotted line),
and the Lorentz force (purple long-dashed line): sum of the magnetic tension force and
the magnetic pressure gradient force. F0 ≡ γ(kB/m)ρ0T0/H0 = 3.7× 10−3 dyne cm−3.
(b) The magnetic structure at t = 350τ0. The cyan line is the calculated segment in the
z-axis.

rope.

4.3 Twist and Writhing Motion of the Flux Rope

We calculate the twist of the flux rope to quantify the helical structure and compare it to

the critical twist of the kink instability. The twist of field lines with their neighboring field

lines Tn can be calculated as follows (Berger & Prior, 2006).

Tn =
1

4π

∫
αdl, (4.3)

where α ≡ ((∇×B) ·B) /B2 is the force-free parameter, the same as in Chapter 3.

Table 4.1 presents the calculated twist for the field lines depicted in Figure 4.9 at

t = 350τ0. The three field lines from the top have twist greater than 1.5 turns, whereas

the twist of the two field lines from the bottom is in the range between 1.25 and 1.5.

Hood & Priest (1981) deduced that the critical twist for the kink instability was 1.25
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Figure 4.8: (a) The z-components of the forces on the z-axis at t = 325τ0 in Case P. The
style and color of lines are the same as in Figure 4.7 (a). (b) The magnetic structure at
t = 325τ0. The cyan line is the calculated segment in the z-axis.

turns analytically, while Fan & Gibson (2003) found that the critical twist was 1.5 turns

by MHD simulations. Therefore, the top of the flux rope in our simulation satisfies the

condition of the kink instability, while the lower part may also be unstable against the

kink instability.

Table 4.1: Table of the calculated twist for the five field lines (red, yellow, green, blue,
purple lines) with their neighboring field lines in Figure 4.9. The field lines are drawn
from (x, y, z) = (0, 0, zseed).

Color zseed/H0 Twist Tn [turns]
Red 320 1.47
Yellow 330 1.26
Green 340 1.63
Blue 350 1.66
Purple 360 1.96

Figure 4.4 shows not only the rising motion, but also the writhing motion of the flux

rope. To quantify this writhing motion, we calculate the angles between each field line

inside the flux rope and the x-axis at the apex of each field line (see Figure 4.10 (b)).

Figure 4.10 indicates the maximum value of the calculated angles at each time step. In

Case N, the maximum angle gradually increases with time and the flux rope stops kinking

at the same time as ascending. In Case P, the maximum angle is smaller than that of
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Figure 4.9: The selected field lines for the calculation of twist at t = 350τ0. The results
of the twist calculation are summarized in Table 4.1.

Case N at t = 250τ0 and t = 275τ0. That is because the top of the flux rope undergoes

magnetic reconnection with the pre-existing field. Then, the flux rope in Case P shows its

drastic kinking, which reaches more than 90 degrees in the maximum angle, as presented

in Figure 4.10. This difference between the two cases clearly indicates that the kinking

motion is developed in Case P whereas suppressed in Case N.
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Figure 4.10: (a) The time evolution of the maximum angle between field lines inside the
flux rope and the x-axis: Case N (black dotted line with +) and Case P (magenta dashed
line with *). (b) Cartoon of the calculated angle between the x-axis and the flux rope.
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Chapter 5

Result3: Parameter Survey

This chapter shows the results of our parameter survey. This chapter is structured as

follows. First, we show the results of the parameter survey of the subsurface flux tube,

varying the twist and the magnetic field strength of the tube. This is aimed at understand-

ing the conditions of the formation of a δ-sunspot and a flux rope. Second, the eruption

processes are examined by changing the decaying rate (width) and magnetic field strength

of the pre-existing potential field.

5.1 Variables of the Subsurface Flux Tube

First, we show the results with different twist parameter q with a constant magnetic field

strength Btube = −15B0. Second, the effects of the magnetic field strength of the tube

are considered. See Appendix C for the parameter dependence on the radius of the tube.

5.1.1 Twist of the Subsurface Flux Tube

We analyze the dependence on the twist of the flux tube with respect to the evolution

of the photospheric and coronal magnetic field. The cases and results of this parameter

survey are summarized in Table 5.1.
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Table 5.1: The cases and results of the parameter survey in Section 5.1.1.
Twist qH0 Photospheric evolution Coronal Evolution
0 HC OOC
0.025 HCS OOC
0.050 MSM OUE
0.10 MSM OUE
0.15 MSM OUC
0.20 MSM OUC
0.30 MSM OUC
0.35 MSM OUC

Notes–

• Photospheric evolution

– HC: Head-on collision.

– HCS: Head-on collision with magnetic shear.

– MSM: Merging with shearing motions.

• Coronal evolution

– OOC: Outer polarity-connecting field lines pass over the counterparts after the
reconnection at the center.

– OUE: Outer polarity-connecting field lines pass under the counterparts after
the reconnection on the edges of the emerging field that happens after the
OOC-type reconnection.

– OUC: Outer polarity-connecting field lines pass under the counterparts after
the reconnection at the center.
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Photospheric evolution

The photospheric evolution of simulated cases may be classified into the following three:

a head-on collision (HC), a head-on collision with magnetic shear (HCS), and a merging

with shearing motions (MSM).

When qH0 = 0, P2 and N1 collide head-on at the center (P2 (N1) is the positive

(negative) magnetic pole appearing around x = −20H0 (+20H0): the same definition as

Chapter 3). Before colliding, each pole displays a bifurcation of the magnetic concen-

tration inside the pole on the photosphere. When qH0 = 0.025, P2 and N1 also collide

head-on at the center but there exists magnetic shear between the two poles. This mag-

netic shear is formed by twist of the flux tube, which can change the direction of the

photospheric motions. When qH0 = 0.050 or greater, P2 and N1 avoid colliding head-on

and show shearing motions toward each other without the bifurcation. These motions are

the same as the photospheric evolution of the case analyzed in Chapter 3.

Atmospheric evolution

As well as the photospheric evolution, the atmospheric evolution of the magnetic field

above the photosphere varies with the initial twist. In the case of qH0 = 0, two loops

expand to the corona without a twisting motion. Then, the two loops reconnect with

each other at the center. Figure 5.2 (a) shows the magnetic configuration at t = 150τ0,

in which the bipolar loops (purple lines) and reconnected loops (yellow and green lines)

coexist. This reconnection is very similar to a two-dimensional simulation by Isobe et al.

(2007) and a three-dimensional simulation by Syntelis et al. (2015), which reproduced the

reconnection between the two bipolar loops and resultant longer loops bridging the outer

polarities. In Syntelis et al. (2015), two bipolar system is formed by a bifurcation of one

rising segment in the convection zone. In the simulations presented in this thesis, on the

other hand, the two bipolar systems are originated from two different buoyant segments

of a subsurface flux tube.
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Figure 5.1: The time evolution of the z-component of the magnetic field on the photo-
sphere. (a) qH0 = 0, (b) qH0 = 0.025, (c) qH0 = 0.050.
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When qH0 = 0.025, a similar reconnection to that of qH0 = 0 occurs in terms of the

consequent configuration. As a difference from the case of qH0 = 0, reconnected field

lines from P1 to N2 have the inverse S-shape (yellow field lines in Figure 5.2 (b)). In

addition, the other reconnected loops connecting P2 and N1 have the magnetic shear to

the photospheric neutral line between P2 and N1, as displayed in Figure 5.2 (d). Although

this system has magnetic shear, it is not capable of an eruption since the sheared loops

remain below the corona.

Cases of a medium twist (qH0 = 0.050 and 0.10) show complicated evolution. At

first, they show the same reconnection as un- or weakly twisted cases (see Figure 5.2 (c)).

Nevertheless, in the later phase, other reconnection events away from the center occur,

which produce the same magnetic configuration as the reconnection in strongly twisted

cases: lower field lines from P1 to N2 and higher field lines from P2 to N1. Figure 5.3

(a) shows the isosurface of current density, namely the distribution of electric current

in the corona at t = 210τ0. The white arrow indicates the location of a current sheet

where reconnection occurs. Figure 5.3 (b) and (c) display reconnecting field lines and

reconnected field lines, respectively. Figure 5.3 (d) presents the horizontal velocity field

and the current density on the z = 28H0 plane near the current sheet. This indicates

that the red and blue field lines are located in the inflow regions near the current sheet,

whereas the yellow and green field lines are located in the outflow regions. That implies

that the red and blue field lines reconnect at the current sheet, which produces the yellow

and green field lines. As Figure 5.3 (c) shows, the yellow field lines connecting P1 and N2

are located below the green ones connecting P2 and N1, which is the same configuration

as the case in Chapter 3. In the later phase, we can observe a flux rope-like structure

composed of twisted field lines connecting the outer polarities. Figure 5.3 (e) is a snapshot

of magnetic configuration at t = 230τ0. This configuration is not found in the case of

qH0 = 0.025 in our parameter survey. In these medium twist cases, we can detect a flux

rope-like structure bridging the outer polarities surrounded by relaxed arcades from the

inner poles.

70



Figure 5.2: (a)-(c) The snapshots of magnetic configurations at t = 150τ0 for qH0 =
0, 0.025, and 0.050, respectively. The purple field lines are of the original bipolar loops.
The yellow (green) field lines are reconnected ones connecting the outer (inner) polarities.
(d) A close-up view of the inner loops of (b).
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Figure 5.3: (a)-(d) Snapshots at t = 210τ0 in the case of qH0 = 0.05. (a) An isosurface
of current density J = 0.001J0 in the corona. The horizontal slice is at z = 20H0.
(b) Selected field lines in the inflow regions belonging to the original bipolar loops. (c)
Selected field lines in the outflow regions; yellow (green) ones connect P1 (P2) and N2
(N1). (d) A close-up view of the reconnection region. The horizontal slice displays the
current density, located at z = 28H0. The horizontal velocity field is over-plotted on the
plane. The field lines are the same as (b) and (c). (e) A flux rope-like structure (yellow
field lines) is found with surrounding arcades (green field lines) connecting the inner
polarities at t = 230τ0.
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Figure 5.4: The results of the qH0 = 0.15 case, at t = 200τ0. (a) Reconnecting field lines
(red and blue) and reconnected field lines (yellow and green). (b) Current density on the
y = 0 plane with the same field lines in (a).

When qH0 = 0.15 or greater, the emerging loops reconnect with each other in the

same manner as the case presented in Chapter 3. Figure 5.4 displays the field lines in-

volved in reconnection and the current sheet at the center at t = 200τ0 in the case of

qH0 = 0.15. The location of the current sheet and the configuration of field lines are the

same as those with qH0 = 0.35 shown in Chapter 3. The difference of configurations

resulting from the reconnection of two bipolar loops, depending on the initial twist, is

discussed in Chapter 6, comparing with the results of previous studies.

5.1.2 Magnetic Field Strength of the Subsurface Flux Tube

This section is aimed at showing the dependence on the magnetic field strength of the

tube. In particular, we understand the dependence on the twist parameter q with respect to

the photospheric and atmospheric evolution. However, since q changes not only the value

of Bϕ, given by Bϕ = qrBx, but also the value of total magnetic energy stored in the tube.

Hence, we do not know whether the change of the “twist” or the “total magnetic energy”

produced the difference of the results. Therefore, we conduct a parameter survey on the

magnetic field strength of the subsurface flux tube. The cases and results in this section

are summarized in Table 5.2. Case S3 has the tube with more magnetic energy and the
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smaller twist parameter q than those in Case S4. Case S2 and Case S4 are the same as the

ones with the same parameters shown in the previous section.

Table 5.2: The cases and results of the parameter survey in Section 5.1.2.
Case qH0 Btube/B0 Mag. Energy1 Photospheric evol.2 Coronal evol.3

S1 0.025 -13 169Etube NC NEC
S2 0.025 -15 225Etube HCS OOC
S3 0.025 -17 289Etube HCS OOC
S4 0.050 -15 247Etube MSM OUE

Notes–

• Photospheric evolution

– HCS: Head-on collision with magnetic shear.

– MSM: Merging with shearing motions.

– NC: No collisions.

• Coronal evolution

– OOC: Outer polarity-connecting field lines pass over the counterparts after the
reconnection at the center.

– OUE: Outer polarity-connecting field lines pass under the counterparts after
the reconnection on the edges of the emerging field that happens after the
OOC-type reconnection.

– NEC: No expansion to the corona.

As Table 5.2 shows, Case S2 and Case S3 show very similar evolution both on the

photosphere and in the atmosphere. P2 and N1 meet head-on on the photosphere and the

two bipolar loops reconnect at the center, producing the outer inverse-S shaped field lines

above the sheared inner loops. The magnetic configuration of Case S2 is shown on the

right panels in Figure 5.2, whereas that of Case S3 is displayed in Figure 5.5. The two

figures indicate that those two cases have a very similar coronal evolution. In addition,

we cannot find a flux rope-like structure in Case S3 as well as Case S2, which is found in

the medium twist cases . As shown in the previous section, Case S4 shows the shearing

motions on the photosphere and the flux rope-like structure-producing reconnection on
1Magnetic energy of the flux tube (Etube ≡ 1

225

∫
V

1
8πB

2(Btube = −15B0, q = 0.025H−1
0 )).

2Photospheric evolution
3Coronal evolution
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Figure 5.5: Snapshots of Case S3 at t = 170τ0. (a) Bipolar loops (purple) and reconnected
loops (yellow and green). (b) A close-up view of the sheared loops.

the edges of the emerging region. These results indicate that the differences found in

the previous section comes from the difference of the “twist” of the subsurface flux tube,

rather than the stored magnetic energy.

In addition, we perform a simulation with the weaker magnetic field strength (Case

S1, Btube = −13B0). In this case, neither the photospheric collisions of the inner two

polarities nor the coronal expansion of emerging loops is seen. Figure 5.6 (a) shows the

time evolution of the height of emerging field in Cases S1, S2, and S3, indicating that

the magnetized regions do not expand to the corona only in Case S1. Figure 5.6 (b)

presents the photospheric vertical magnetic field at t = 300τ0 in Case S1; the merging

of photospheric polarities is not seen. Murray et al. (2006) found that when the magnetic

field strength of the emerging flux tube was weak, the top of the tube could not reach

the corona. Case S1 shows an evolution similar to those cases in Murray et al. (2006),

although our cases have two buoyant segments. This indicates that there is a critical

magnetic field strength for the formation of a δ-sunspot and a coronal magnetic field (and

namely a flux rope).
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Figure 5.6: (a) The time evolution of the height of emerging field in Cases S1, S2, and
S3. (b) Photospheric vertical magnetic field at t = 300τ0 in Case S1.

5.2 Pre-existing Potential Field

We conduct a parameter survey on the pre-existing potential field in order to investigate

the conditions for the ascent of the flux rope. We adopt the same parameters for the

subsurface flux tube, simulation box size, and grid spacing as the simulation presented in

Chapter 4. Here, we analyze the results with different La and Ba, which determine the

decay rate (as well as the width) and the strength of the potential field, respectively. Table

5.3 summarizes the cases and results in this section.

5.2.1 Decay Rate of Pre-existing Field La = 82H0

The width of the potential field of the following cases is given as La = 82H0, that is the

same parameter as in Chapter 4. We conduct the three simulations with different magnetic

field strength of the pre-existing field Ba: Case P (Ba = −0.025B0, the same as Case P

in Chapter 4), Case P2 (Ba = −0.020B0), and Case P3 (Ba = −0.015B0).

In Case P2 and Case P3, the flux rope rises upward but remains overlain by the arcades

connecting the inner poles on the photosphere. That is different from Case P, in which

all of the surrounding arcades are got rid of and the flux rope shows the kinked structure.
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Table 5.3: Summary of the cases and results in Section 5.2.
Case La/H0 Ba/B0 Result
P 82 -0.025 E
P2 82 -0.020 O
P3 82 -0.015 O
Q1 164 -0.015 F
Q2 164 -0.010 E
Q3 164 -0.0050 O

Notes–

• E is an erupted case. We call a case “E” if the surrounding arcades are totally
removed and the flux rope reaches the upper boundary.

• F is a failed case, in which the flux rope is halted by the pre-existing potential
arcades.

• O is a case in which the flux rope remains overlain by the arcades bridging the inner
polarities on the photosphere.

As the Figure 5.7 shows, the average ascending speed of the flux rope increases as the

magnetic field strength of the pre-existing field becomes larger. All of the three cases

show a linear ascent of the flux rope as a common characteristic. Figure 5.8 displays the

snapshots of Case P2, which indicate that the flux rope shows a slight but recognizable

kinking motion during ascending, compared to Case N in Chapter 4 (see Figure 4.1).

5.2.2 Decay Rate of Pre-existing Field La = 164H0

We also conduct simulations with La = 164H0 to see the effects of the decay rate of the

pre-existing arcades. We calculate the three cases: Case Q1 (Ba = −0.015B0), Case Q2

(Ba = −0.010B0), and Case Q3 (Ba = −0.005B0).

Figure 5.9 shows the time evolution of the rope apex height of the three cases. The

flux rope stops ascending at around t = 275τ0 in Case Q1, while it keeps rising up in

Case Q2 and Case Q3. In Case Q1, after the pre-existing field finishes reconnecting with

the arcades connecting P2 and N1, it starts reconnecting with the flux rope. Then, the flux

rope loses the most of the flux and stops ascending. Figure 5.10 (a), (b), and (c) show
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Figure 5.7: The time evolution of the apex height of the flux rope in Case P (magenta
dashed line with *), Case P2 (black dotted line with +), and Case P3 (blue dash-dotted
line with ♢).

Figure 5.8: The time evolution of the flux rope in Case P2. (a) t = 300τ0. (b) t = 400τ0.
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the direction of the y-component of the magnetic field on the x = 0 plane at each time

step with selected magnetic field lines. These snapshots indicate that the upper part of

the flux rope, corresponding the red part on the plane, is gradually removed as time goes

on and finally disappears. Figure 5.10 (d) shows the reconnecting (yellow and magenta)

and reconnected (blue) field lines with the current sheet between the flux rope and the

pre-existing field. This figure indicates that reconnection occurs at the current sheet and

removes the upper part of the flux rope, which prevents the flux rope from ascending

further.

In Case Q2, the arcades bridging the inner polarities are removed by reconnection and

thereby the flux rope rises up. Since the pre-existing magnetic flux above the flux rope

is less than Case Q1, the flux rope can retain a coherent structure during ascending and

reach the upper boundary. Figure 5.11 (a) shows a snapshot at t = 300τ0, when the flux

rope rises up with reconnecting with the pre-existing field, and Figure 5.11 (b) displays a

flux rope at t = 350τ0, when it reaches the upper boundary. As shown in Figure 5.11 (c)

and (d), the upper part of the flux rope, where By > 0, remains during ascending although

the reconnection with the pre-existing field occurs. In particular, the flux rope does not

show the writhing motion seen in Case P in Chapter 4, and retains its torus-like shape.

In Case Q3, on the other hand, the surrounding arcades of the inner poles are not fully

removed during ascending and they reach the upper boundary above the ascending flux

rope (Figure 5.11 (e) and (f)). We notice that Figure 5.11 (f) displays a slight writhing of

the flux rope in Case Q3.

In summary, we have two erupted cases: Case P and Case Q2. Case P shows a kinking

motion during the eruption while Case Q2 does not. Therefore, in terms of the erupted

cases, the decay rate may be important for determining the driver of eruption: the kink

instability or the reconnection at the apex of the rope.
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Figure 5.9: The time evolution of the apex height of the flux rope in Case Q1 (black dotted
line with +), Case Q2 (red dashed line with *), and Case Q3 (blue dash-dotted line with
♢).
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Figure 5.10: The time evolution of Case Q1. (a)-(c) Snapshots of the flux rope and
surrounding arcades at t = 200τ0, t = 250τ0, and t = 300τ0, respectively. The vertical
plane is the x = 0 plane, displaying the sign of By: positive (red) and negative (blue). (d)
Selected reconnecting field lines (yellow and magenta) and reconnected field lines (blue)
t = 250τ0. The vertical plane is the y = 0 plane, displaying the current density.
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Figure 5.11: The time evolution of the magnetic configuration in Case Q2 ((a), (b), (c),
and (d)) and Case Q3 ((e) and (f)). (a) A snapshot at t = 300τ0. The yellow field
lines compose a flux rope and the magenta field lines belong to the pre-existing potential
arcades. (b) A snapshot at t = 350τ0. (c) The same as (a) from the different angle with the
x = 0 plane displaying the sign of the y-component of the magnetic field (red:positive,
blue:negative). (d) The same as (b) from the different angle with the vertical plane in
the same form as (c). (e) A snapshot at t = 300τ0. The green field lines are the arcades
bridging the inner polarities. (f) A snapshot at t = 400τ0.
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Chapter 6

Discussion

In this chapter, we discuss the results of simulations. First, we provide a summary of the

parameter survey. Second, the comparison with the previous studies is presented. Third,

we analyze the results with the observations. Fourth, the possible paths to the eruption

of a flux rope are considered. Finally, we conclude this chapter with the limitations and

future work of this thesis.

6.1 Summary of the Parameter Dependence

6.1.1 Two Regimes of Magnetic Topology

First, we consider how the twist of the subsurface flux tube affects the topology of coronal

fields produced as a result of flux emergence and magnetic reconnection. As shown in

Chapters 3 and 5, there are mainly two magnetic configurations produced by reconnection

at the center, whose difference is the vertical relative locations of reconnected loops. This

difference is produced due to the different shapes of reconnecting field lines. Figure

6.1 summarizes the configurations of reconnecting and reconnected field lines for the

strong twist and weak twist cases. As Figure 6.1 (a) illustrates, we found that the post-

reconnection field lines connecting the outermost polarities come below the counterparts

connecting the inner two polarities if the twist is stronger. Conversely, the weaker twist
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Figure 6.1: (a) Reconnecting field lines and reconnected field lines for a strongly twisted
flux tube and weakly twisted one. (b) A schematic from a different angle, indicating the
vertical directions of the reconnecting field lines at the current sheet.

regime yields the magnetic topology that the field lines connecting the outer polarities go

over the other ones. Figure 6.1 (b) shows the directions of the vertical components of

the reconnecting magnetic fields (i.e., Bz). One may see that the direction is opposite for

the two cases. This leads to the difference of the topology of the post-reconnection fields

between the two regimes.

The differences of the shapes and directions of reconnecting field lines between the

two come from the twist of the subsurface flux tubes, as it has two distinct effects on them.

First, twist affects the expansion of the emerging loops. Magara & Longcope (2003)

proposed that how the emerging field expands into the corona depends on its aspect ratio;

only when the ratio of horizontal distance between the two foot points of the loop to the

loop height is small, it can expand vertically in the corona. The aspect ratio can vary

with the twist; therefore the twist can change the configuration of reconnecting field lines.

The second effect is related to the angles of emerging loops; the pitch angle, the angle

between the field line and the tube axis, becomes larger as the tube expands, which affects

the orientations of the reconnecting loops. This increase in the angles also changes the

shape of the reconnecting loops. The two effects on the shape and angle of the emerging

loops are schematically illustrated in Figure 6.2. These two effects combine together to

produce the different topologies of the reconnecting field lines as well as the resultant
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Figure 6.2: Schematics of differences of the evolution of emerging loops. (a) Expansion
of the emerging loops. (b) Angle of the emerging loops.

magnetic configurations in the two cases. We also find that a flux rope is formed only

when the outer polarity-connecting field lines pass under the counterparts, i.e., when the

tube is strongly twisted.

6.1.2 Flux Rope Eruption

The cases adopting an expanded simulation box to see the further/eruptive evolution can

be summarized as follows. If the initial background is not magnetized (Case N), the

flux rope remains suppressed by the overlying arcades and stops ascending further. In

contrast, if the pre-existing potential field is introduced and has an orientation in favor of

reconnection with the emerging field, the mechanically balanced state of the quadrupolar

system can break. When the pre-existing field is too weak, it cannot fully remove the

arcade field and it remains overlying the rope. However, if it is strong enough, it removes

all arcade field lines, leading to the further ascent of the flux rope to the upper boundary.
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In the erupted cases, we found two different regimes: Case P and Case Q2. The flux rope

of Case P shows a kinking motion and erupted by its own Lorentz force in the final stage

of eruption. On the other hand, Case Q2 has a less steeply decaying pre-existing field that

allows the rope to rise up to the upper boundary through reconnection with the field. The

flux rope in Case Q2 retains the torus-like shape during its ascension. If the strength of

the pre-existing field is larger than Case Q2 (i.e. Case Q1), the flux rope cannot reach the

top boundary. This is because the reconnection occurs overly and removes most of the

flux of the ascending rope. These results indicate that the condition of the pre-existing

field is crucial for the eruption of a flux rope.

6.2 Comparison with Previous Studies

In this section, we compare the results of our simulations to the previous studies with

respect to the following three. First, we discuss the flux rope formation by the flux emer-

gence forming a δ-sunspot and a quadrupolar active region, comparing with the previous

studies of δ-sunspot formation by the merging of two bipolar sunspot pairs. Second, the

flux rope formation process including sunspot rotation is examined with comparing to

the previous studies of a bipolar flux rope formation. Third, the eruption process of our

simulations is compared to that of the previous studies of the eruption of a kink-unstable

flux rope in the corona.

6.2.1 δ-sunspot and Quadrupolar Active Region Formation Through

Flux Emergence

As explained in Chapter 1, Toriumi et al. (2014) and Fang & Fan (2015) reproduced a δ-

sunspot, corresponding to one of the observational categories proposed by Zirin & Liggett

(1987). In those studies, no flux ropes were formed during the formation of a quadrupolar

active region with a δ-sunspot. Since Toriumi et al. (2014) focused on the formation of a
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δ-sunspot, they did not investigate the flux rope formation. Fang & Fan (2015) simulated

with a substantially weakly twisted flux tube, and they did not reproduce a flux rope. We

find that the coronal evolution of their simulations closely resembles that of the cases

with a weakly twisted flux tube in our simulations. In those cases, the reconnection at

the center produces overlying arcades bridging the outer polarities and inner small loops

rooted in the inner ones. This relative spacial relation was opposite to the cases with the

strong twist (qH0 ≥ 0.15) that succeed in reproducing a flux rope. In such cases, the lower

field lines connecting the outer poles are suppressed its expansion by the overlying field

lines connecting the inner ones. Then, the lower field lines form a coherent structure that

becomes a flux rope by sunspot rotation. Toriumi et al. (2014) adopted the smaller radius

and Fang & Fan (2015) used the smaller twist parameter q than those of our cases with

the strong twist (qH0 ≥ 0.15). Since Bϕ = qrBx, both differences make the azimuthal

component of the magnetic field smaller. Thus, we can conclude that the initial twist

is significant for the flux rope formation, which is why we succeed in that that was not

achieved by the previous studies.

Chatterjee et al. (2016) reproduced a δ-sunspot recurrent eruptions from a magnetic

sheet in a MHD simulation including the surface convection. In their simulation, convection-

driven flux tube formation and its emergence produce a δ-sunspot. Subsequently, the

magnetic arcades connecting the two δ-sunspot-composing polarities form a flux rope

which evolves into eruptions. Since their evolution is caused by convection, the magnetic

structure on the photosphere is complex and different from a clear quadrupolar structure

reproduced by Toriumi et al. (2014), Fang & Fan (2015) and this thesis. Besides, the

erupting flux rope is of the δ-sunspot forming field lines, which is different from our sim-

ulations. Therefore, both the formation process of a δ-sunspot and the eruption process of

a flux rope are different between Chatterjee et al. (2016) and this thesis.

In addition, we need to discuss the differences from the previous studies of flux emer-

gence forming two bipolar pairs. Archontis et al. (2013) and Syntelis et al. (2015) sim-

ulated the emergence of a weakly twisted and untwisted flux tube with a single buoyant
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segment, respectively. In their simulations, the initial density perturbation was limited

to the one segment but the flux tube appears to the atmosphere at two locations. Since

the piled-up magnetic flux was small to trigger the buoyancy instability at the perturbed

segment, the emerging field diverged in the near surface layer and triggered the instability

at the two locations. Our simulations adopt a larger radius of the subsurface flux tube

than those studies, which may help the pile-up of magnetic flux at the perturbed segments

during the emergence for the further expansion to the atmosphere. Hence, the emerging

processes of our simulations are different from those previous studies. In contrast, the

atmospheric evolution of weakly twisted cases and untwisted cases in our simulations re-

semble that of Archontis et al. (2013) and Syntelis et al. (2015), respectively. They also

reproduced the merging of the positive and negative polarities on the photosphere and the

magnetic configuration including reconnection at the center. Lee et al. (2015a) simulated

a blowout jet through the emergence of a twisted flux tube with two buoyant segments. In

their simulation, a quadrupolar configuration was produced and flux ropes were formed in

the original two bipolar pairs and between the inner two polarities. An eruption (blowout

jet) was produced by the reconnection between the oblique pre-existing field and emerg-

ing field. Although they reproduced an eruption in a quadrupolar region, the processes

and location of the eruption were different from our results.

6.2.2 Flux Rope Formation Through Flux Emergence

As mentioned in Chapter 1, sunspot rotation produced by flux emergence is one of the

promising processes of the flux rope formation. In previous studies by Fan (2009b) and

Leake et al. (2013), the emergence of a twisted flux tube with a single buoyant segment

was simulated. In their simulations, the emergence produced sunspot rotation on the

photosphere and formed a flux rope. However, since the single buoyant segment was

introduced to the subsurface flux tube in their studies, the location of the flux rope was

limited to the emerging bipole. Therefore, it was not clear if this mechanism could work
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and form a flux rope in a more complicated active region such as a quadrupolar one with

a δ-sunspot.

In our simulations, the field lines connecting the outer polarities, which are not con-

nected originally, form a flux rope. The connectivity is produced by reconnection at the

current sheet between the two bipolar systems and sunspot rotation leads to the flux rope

formation of the reconnected loops. Therefore, we confirm that sunspot rotation can pro-

duce a flux rope in non-bipolar active region as well for the first time as far as the authors

know.

6.2.3 Flux Rope Eruption

We discuss the flux rope eruption by the kink instability in terms of the formation of an

unstable flux rope, ascent of the flux rope, and the morphology of the erupting flux rope.

In previous studies of the flux rope eruption, the flux rope was given through the bot-

tom boundary or as the initial condition. In Fan & Gibson (2003), Fan & Gibson (2004),

Fan (2005), and Fan & Gibson (2007), the flux rope was inserted from the bottom bound-

ary. When the main part of the flux rope was inserted to the simulation box and it obtained

1.5 turns, it started developing the kink instability. Some other studies set a sufficiently

twisted flux rope in the corona at the beginning and provided it with perturbations (e.g.,

Török & Kliem, 2005). If the surrounding magnetic arcades decayed sharply with height,

it developed the kink instability. Therefore, these studies did not show how, where, and

when such kink-unstable flux ropes were formed.

In our simulations, the flux rope was formed through sunspot rotation produced by

flux emergence. Consequently, the flux rope obtains sufficient twist and shows rising and

writhing motions if the magnetic field above the flux rope was removed. Therefore, our

simulations indicate that an emerging flux tube can produce a kink-unstable flux rope in

a quadrupolar active region.

Several previous studies of flux emergence with a single buoyant segment reproduced
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the formation and eruption of a flux rope in a bipolar region in a unified manner (e.g.,

Archontis & Török, 2008; Archontis & Hood, 2012; Leake et al., 2014). The main differ-

ence between them and our simulations in terms of the eruption processes is that their flux

ropes were erupted by the reconnection below and above the formed flux rope. The flux

rope of Case P in our simulations shows not only the reconnection above the flux rope but

also the kinking motion after the reconnection phase.

Moreover, we need to compare the profile of the eruption to that of the studies of kink

instability-driven eruptions in the corona to check whether our results are consistent with

them. In both previous studies and our simulations, the two distinct stages of the flux

rope ascent are seen. The flux ropes rise up slowly at an almost constant speed at first (the

first stage), then it is accelerated (the second stage). There is a distinct difference in the

second stage between the previous studies and our simulations. The acceleration phase

in the previous studies showed the exponential change of the velocity, whereas that in

our simulations is relatively linear. This difference may be explained as follows. Previous

studies adopted smaller value of plasma β or zero-β for the corona of their simulation box,

while plasma β in the erupting flux rope in our simulations becomes larger than 0.1, that

is more than ten times larger than that of the real solar corona (β ∼ 0.01; see Appendix

A for the detailed discussion). In our simulations, the upward Lorentz force is balanced

with gas pressure gradient force during ascending. On the other hand, since the ratio of

gas pressure against magnetic pressure in the previous studies was smaller than that in

ours, this compensating gas pressure gradient force might not work in their simulations.

This difference may be able to account for the different profile of the flux rope ascent. We

also discuss the effects of weaker magnetic field in our simulations in Section 6.5 as the

limitation of this study.

Figure 6.3 compares the morphology of erupting flux ropes of our results (panel (a))

and results by Török & Kliem (2005) (panel (c)). Since our simulation box includes the

photosphere and chromosphere with finite thickness, the lower legs are slightly different

from those of Török & Kliem (2005). However, both results have the same writhed coro-
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Figure 6.3: (a) A snapshot of Case P at t = 375τ0. (b) An erupted filament observed
by Transition Region and Coronal Explorer (TRACE) 195 Å on 2002 May 27. Reprinted
from Török & Kliem (2005). (c) A simulation of a kink-unstable flux rope by Török &
Kliem (2005).

nal magnetic structures. Therefore, it appears that we reproduce the same phenomenon

in the corona as Török & Kliem (2005), although we include the convection zone, the

photosphere/chromosphere, and the transition region to simulate from the emergence of a

flux tube.

6.3 Comparison with Observations

This section compares the results of our simulations to the observations. In particular, we

discuss the eruption, the photospheric characteristics, and the sigmoidal structures.

6.3.1 Eruption

In terms of the eruption, the velocity, the morphology of the erupting flux rope, and the

magnetic reconnection above the flux rope must be discussed.

Velocity

The eruption given rise to by the kink instability is often accelerated to a few hundred

km/s. Table 6.1 summarizes the maximum velocity of four observed filament eruptions

caused by the kink instability. Those studies examined the displacement of the erupting

92



Table 6.1: The velocity of erupting filaments with kinking motions.
Paper Date Velocity
Ji et al. (2003) 2002-05-27 ∼ 300km/s
Liu et al. (2007) 2002-10-31 ∼ 100km/s
Tripathi et al. (2013) 2011-09-12 ∼ 100km/s
Li & Zhang (2013) 2013-05-22 ∼ 130km/s

prominences and deduced their velocity. This table shows that 100–200 km/s is a typical

velocity of eruptions. By assuming that the coronal Alfvén speed is about 1000 km/s, we

can regard these filaments as accelerated to about 10–20% of the Alfvén speed.

In Case P, the erupting flux rope is accelerated to about 10% of the Alfvén speed in

the corona of the simulation box. Since we adopted much weaker magnetic field than

the real solar corona, we cannot compare our result directly to the observations. Then,

as the flux rope is carried by the Lorentz force, normalizing the velocity with the Alfvén

velocity may be reasonable to compare the simulation results with the observation. The

obtained value of the normalized velocity of Case P in our simulations is consistent with

the observations.

Morphology

Some observed eruptions show the morphological evolution reminiscent of the kink in-

stability. For example, a filament eruption on 2002 May 27 showed the ascending and

writhing motions. Figure 6.3 compares the results of our simulation (panel (a)) and the

observed prominence by Török & Kliem (2005) (panel (b)). Those panels indicate that our

simulated flux rope has the writhed structure similar to that of the observed filament. The

morphological similarity suggests that the kink instability is one of the possible drivers of

eruptions and our simulations reproduce the kink instability-driven eruption.

Reconnection above the kink-unstable flux rope

In our simulations, the pre-existing magnetic field having the reconnection-favored ori-

entation helps the flux rope develop the kink instability. The pre-existing field in our
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simulations is given as simple potential arcades, but the real solar corona has much more

complicated magnetic structure. However, the reconnection between the overlying coro-

nal magnetic field and the erupting magnetic field took place and led to the eruptions by

the kink instability in some observed eruption events. Table 6.2 summarizes the stud-

ied eruption events that showed a kinking eruption with the evidences of reconnection

above the filaments prior to the eruption. In those events, the flux ropes were overlain by

loops from different magnetic poles on the photosphere having the reconnection-favored

direction before the eruption. Then, the flux rope developed the kink instability, after

the brightening implying the reconnection above the flux rope involving the overlying

loops. Figure 6.4, depicted by Kuridze et al. (2013), summarizes the process of one of

such eruptions observed on 2010 November 6 by Kuridze et al. (2013). Therefore, these

observational studies might support our results that the reconnection above the flux rope

is necessary to trigger the kink instability.

Table 6.2: The eruption events associated with the kink instability and the reconnection
above the flux rope.

Paper Date Evidence associated with reconnection above
the flux rope before the eruption

Ji et al. (2003) 2002-05-27 X-ray emission (observed by RHESSI 1)
Williams et al. (2005) 2004-11-10 Four ribbon-like brightening in 1600 Å (ob-

served by TRACE)
Kuridze et al. (2013) 2010-11-6 Brightening of quadrupolar coronal loops in

EUV (observed by SDO/AIA)

In addition, our parameter survey suggests that the strength and decaying rate of the

coronal field determine whether an eruption occurs or not; namely the direction is not

the sufficient condition of the eruption. Thus, it might be necessary to study the strength

and decaying rate of the coronal field of eruption-producing active regions, in order to

understand the conditions of eruptions. This may be able to be achieved by using non-

linear force-free-field (NLFFF) modeling.

1The Reuven Ramaty High Energy Solar Spectroscopic Imager (RHESSI)
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Figure 6.4: A schematic of the interpreted eruption process of the kink-unstable flux rope
triggered by the reconnection above the rope, observed on 2010 November 6 by Kuridze
et al. (2013). Reprinted from Kuridze et al. (2013).

6.3.2 Photospheric Characteristics

In this section, we consider the photospheric evolution with respect to the motions of pos-

itive and negative polarities and shear flows inside a δ-sunspot. Since we follow Toriumi

et al. (2014) and Fang & Fan (2015), we also succeed in reproducing a δ-sunspot in a

quadrupolar active region. In Solar Cycle 24, there were several active regions which

contained a gathering of quadrupole-like mixed polarities and a δ-sunspot at the center,

such as NOAA ARs 11158, 11283, 11884, 11936, and 12173. The listed active regions

produced the large flares categorized into M5.0 or greater (Toriumi et al., 2017). In par-

ticular, the central δ-sunspot in those active regions showed the relative shearing motions

between the two polarities of a δ-sunspot. Those motions were reproduced by Toriumi

et al. (2014) and Fang & Fan (2015), and are also seen in our simulations.

In addition, a unidirectional shear flow along the PIL inside a δ-sunspot was found in

an active region by Shimizu et al. (2014). They analyzed NOAA AR 11429, which con-

tained a δ-sunspot in a quadrupole-like magnetic structure and produced X-class flares,

and detected the shear flow along the PIL reaching a few km/s. In our simulations, we

also detect shear flows along the PIL inside a δ-sunspot. The velocity of the shear flows

are about 50% of the sound speed on the photosphere, which is also a few km/s. The

shear flows have the opposite directions along the PIL in the two polarities. In contrast, a

shear flow analyzed by Shimizu et al. (2014) was unidirectional, but they found another
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unidirectional flow directed oppositely. Moreover, they proposed that the flows might be

driven by the magnetic force coming from the magnetic field highly stressed near the PIL.

Therefore, our simulation results might be related to the shear flows in NOAA AR 11429

observed by Shimizu et al. (2014).

6.3.3 Electric Current Structures and Sigmoids

We also compare the results of electric current structures with observed sigmoids. As

mentioned in Chapter 1, sigmoids are thought to be related to a flux rope (e.g., Green

& Kliem, 2009). In particular, the electric current structures formed with a flux rope in

MHD simulations has been compared to sigmoids, which have shown the morphological

similarities.

There exist two possible electric current structures that may reproduce the sigmoidal

structures: (1) the current sheet between the flux rope and surrounding arcades (Fan &

Gibson, 2003, 2004) and (2) the current concentration held by a flux rope (Magara, 2006;

Archontis et al., 2009). The first one is based on the reconnection between the two differ-

ent magnetic systems, while the second one is based on the Joule heating and reconnection

inside the flux rope. Since the heating mechanisms of sigmoids are still unclear, we cannot

dismiss either of the two at present.

In our simulations, we also find the forward-S shaped electric current concentration

held by the flux rope (Figure 4.2), which corresponds to the second one of the candi-

dates for sigmoids listed above. These results suggest the flux rope holding the electric

current formed in a quadrupolar region might be able to be observed as a sigmoid. A sig-

moid in a quadrupolar region was analyzed by Savcheva et al. (2012a,b). Figure 6.5 are

reprinted images from Savcheva et al. (2012b), showing the time evolution of the sigmoid

in 2007 February (left panel), with the photospheric magnetic field and the sample field

lines drawn from corresponding NLFFF models (right panel). This figure indicates that

the sigmoid bridging the outer magnetic concentrations on the photosphere was evolved
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from the two bipolar systems. The location and evolution of the flux rope simulated in

this thesis resemble the observed sigmoid, although Savcheva et al. (2012a,b) proposed a

different process (flux cancellation) for the formation process.

6.4 Paths to Eruption

As introduced in Chapter 1, there are mainly three possible paths to an eruption: (1) the

kink instability, (2) the torus instability, and (3) magnetic reconnection in the vicinity of

the flux rope. In our simulations, some cases show the eruptive evolution of a flux rope

by (1) the kink instability and (3) reconnection.

In Case P, a flux rope rises up to the upper boundary with writhing. Moreover, a part

of the flux rope satisfies the critical condition of the kink instability. In contrast to Case

N, the kinking motion is not suppressed by the surrounding arcades and thereby the flux

rope succeeds in developing its writhing motion.

In Case Q2, the flux rope ascends through reconnecting with the pre-existing field. If

the amount of flux of the pre-existing field is too large, the flux rope loses the most of

its flux through the reconnection and stops rising. In contrast, if the amount of flux of

the pre-existing field is too small, the pre-existing field cannot remove the surrounding

arcades bridging the inner polarities and therefore the flux rope remains overlain by them.

Therefore, the amount of flux of the pre-existing field is crucial for an eruption of a flux

rope.

In addition, we need to mention the torus instability. Some studies suggested that the

torus instability might be one of the major drivers of eruptions (e.g., Schmieder et al.,

2015). When the flux rope has the outward hoop force and the suppressing potential

arcades decay sharply with height so that the mechanical balance breaks down, the torus

instability can develop and erupts the flux rope. Most of the simulations of the torus

instability-induced eruptions adopted highly idealized initial conditions for the instability

(e.g., Fan & Gibson, 2007), including the ideally shaped flux rope having the outward
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Figure 6.5: An observed sigmoid in 2007 by Hinode/XRT. Reprinted from Savcheva et al.
(2012b). Left: the time evolution of the sigmoid in X-ray. Right: the photospheric mag-
netic field and the sample field lines drawn from corresponding NLFFF models.
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hoop force and the sharply decaying potential field. Therefore, whether, how, and when

a flux rope formed by flux emergence can satisfy such conditions for the torus instability

are still unclear. In the simulated case without the pre-existing field (Case N) in this

thesis, the torus instability-driven eruption is not found and the flux rope stops ascending.

On the other hand, the pre-existing field having the reconnection-favored direction causes

reconnection, which is a mechanism different from the torus instability. However, we do

not deny the torus instability for an eruption above a δ-sunspot and there may be cases

with proper parameters that can reproduce a torus instability-driven eruption.

6.5 Limitations of This Study

In this section, we consider the limitations of this thesis: scale of the simulation box and

the flux tube, magnetic field strength, twist parameter, and the effects radiation and partial

ionization.

The scale of the simulation box and the subsurface flux tube must be discussed. Be-

cause of the lack of numerical resources, the simulated active region is more than ten times

smaller than the real active regions on the Sun. With respect to δ-sunspot formation, Fang

& Fan (2015) simulated on a scale comparable to the real active regions and succeeded

in the δ-sunspot formation. Therefore, the photospheric evolution in our simulations can

occur in a larger simulation box. As for the coronal evolution, including the formation of

a flux rope, we need to conduct a larger scale simulation in the future to confirm that the

same evolution occurs.

We also need to consider the magnetic field strength of the corona during the evolu-

tion. The main part of the flux rope in our simulations has around 1G, which is about ten

times smaller than the real corona (see Appendix A for the two dimensional contour plot

inside the erupting rope at t = 350τ0). That is required in order to conduct our simula-

tions in a limited time by reducing the Alfvén speed. In order to compare our results to

the observations, we normalize our results with the Alfvén speed. This method of com-
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parison was also used in the previous studies (e.g., Yokoyama & Shibata, 1996; Notoya,

2006), but it is necessary to conduct a simulation with realistic magnetic field strength in

the future.

In addition, the twist parameter should be considered. Since we conduct simulations

with a smaller simulation box, we use larger twist parameters. Longcope et al. (1999)

estimated a twist parameter of a subsurface flux tube to be 0.2/Mm (i.e. 0.03H−1
0 ) from

the observation of sunspots by Leka et al. (1996). This value is more than ten times

smaller than the one adopted in Chapter 3 and Chapter 4. We may be able to justify this

difference as follows. For the structural evolution of coronal magnetic field, the value of

Bϕ/Bx may be important, because this value determines the direction of the Lorentz force.

The radius of the subsurface flux tube may be more than ten times smaller than that of the

real Sun. Then, since Bϕ is given as Bϕ = qrBx, the value of Bϕ/Bx becomes more than

ten times smaller for the same q on the edge of the tube. Therefore, the use of larger twist

parameter q may be necessary to simulate the evolution of atmospheric magnetic structure

in a smaller simulation box. In fact, Magara & Longcope (2003) indicated that the aspect

ratio of the emerging loops were significant for the evolution in the atmosphere; the aspect

ratio of the emerging loops significantly depended on the original value of Bϕ/Bx of the

subsurface flux tube. See Appendix C for the detailed discussion on the radius.

The effects of radiation and partial ionization are also neglected in our simulations.

Radiation causes convective motions of gas in the convection zone. In the emerging

phase of a flux tube, the convection is involved in the flux emergence and the sunspot

formation. On the other hand, the formation of a δ-sunspot and a flux rope is driven by

the photospheric motions of magnetic poles after the flux emergence. Since such motions

are produced not by the convection but by the Lorentz force originating from the flux tube,

the convection seems to plays only a minor role on the formations of them. Besides, Fang

et al. (2010), Fang et al. (2012a), and Fang et al. (2012b) confirmed that the photospheric

shearing and rotational motions occurred in the magnetic concentrations, even when the

effects of convection were incorporated. Therefore, it would appear that the δ-sunspot
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formation and flux rope formation and eruption can occur in the presence of radiation.

Partial ionization is not included in our simulations either. Several 2D and 3D MHD

simulations incorporated partial ionization and investigated the effects on flux emergence

(Cheung & Isobe, 2014, and references therein). In particular, Leake & Linton (2013)

found that the total flux penetrating into the corona increased by about 10%, when the ef-

fects of partial ionization were included in 2D simulations. On the other hand, the macro-

scopic structure of the emerged magnetic arcades did not change substantially; therefore

it would appear reasonable to neglect the effects of partial ionization in order to reduce

the computational resources.

6.6 Future Work

We have proposed a model that can explain the formation of a δ-sunspot and an eruption-

capable flux rope in a unified way. However, as listed in the previous section, our simu-

lations have several significant limitations. In order to confirm that our model is valid in

more realistic systems, we need to simulate with overcoming those limitations. In partic-

ular, the simulation box size and magnetic field strength appear to be important to prove

the validity of our model. At present, computational resources are limited to conduct such

simulations but those must be performed in the future.

As discussed in Chapter 1, there are the other possible formation processes of δ-

sunspots above which large flares occur. For understanding the processes of large flares

from the birth of an active region, it is necessary to construct a model that can explain the

emergence of a kinked flux tube inside the convection zone and a resultant eruption in a

unified manner. This may be possible by improving a model proposed by Takasao et al.

(2015). Those two works must be done to establish the theories of large flares above a

δ-sunspot including flux emergence.
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Chapter 7

Summary and Conclusion

In this chapter, we summarize the work in this thesis and conclude this thesis. We have

performed 3D MHD simulations of flux emergence in order to investigate the formation

and eruption of a flux rope in a quadrupolar active region. By following Toriumi et al.

(2014), we succeeded in reproducing a δ-sunspot in a quadrupolar magnetic system. In-

side the active region, a flux rope was formed after the δ-sunspot formation, because of

the reconnection between the two bipolar loops and sunspot rotation. When a pre-existing

potential magnetic field having the reconnection-favored orientation with proper strength

and decaying rate was introduced to the simulation box, the flux rope rose up to the upper

boundary with writhing. Furthermore, we conducted a parameter survey in order to inves-

tigate the conditions for the formation and eruption of a flux rope. This revealed that the

twist of a subsurface flux tube and the strength and decaying rate of the coronal magnetic

field are crucial for the formation and eruption, respectively.

The process of the merging of two bipolar systems is summarized in Figure 7.1. When

the twist is small, the evolution depicted on the left side occurs, which was already re-

ported by Toriumi et al. (2014) and Fang & Fan (2015). In contrast, the panel on the right

side illustrates the evolution for a strongly twisted flux tube, including the flux rope for-

mation through sunspot rotation. This is one of the main differences between the previous

studies and our works. Figure 7.2 summarizes the eruption process of the kink-unstable
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Figure 7.1: A schematic of the process of the merging of the two bipolar systems. The
top panel shows the initial phase with reconnecting field lines of the two bipolar systems.
The bottom two panels depict the magnetic configuration after the merging. The bottom
left panel is that of the weakly twisted flux tube, also simulated by Toriumi et al. (2014)
and Fang & Fan (2015). The bottom right panel is that of the strongly twisted flux tube,
in which a flux rope is formed below the arcades bridging the inner polarities.

flux rope in our simulations (Case P). The pre-existing coronal field removes the sur-

rounding arcades of the emerging field, allowing the flux rope to develop the rising and

writhing motions. The same process was detected in the observed eruption events by

previous studies, as shown in Chapter 6.

In conclusion, our model of flux emergence can explain a class of the flares and erup-

tions above a δ-sunspot which account for most of the largest flares on the Sun. This is a

significant improvement from a model proposed by Toriumi et al. (2014). As discussed

in the previous chapter, there are two remaining problems. One is the limitations of our

simulations and the other is other types of δ-sunspots. By solving those problems, we will

be able to fully understand the processes of the largest flares on the Sun occurring above

a δ-sunspot.
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Figure 7.2: A schematic of the eruption process of the kink-unstable flux rope triggered
by the reconnection above the rope. The left panel is the two dimensional schematic of
the pre-eruption phase; yellow concentric circles are the flux rope, the green line is the
field line connecting the inner polarities above the rope, and the magenta line is of the
pre-existing field oriented to give rise to reconnection with the green one. The black
shaded box is the current sheet between the green line and the magenta line where the
reconnection occurs. The navy lines are the reconnected lines. The right panel is the
eruption phase, illustrating the rise of the flux rope with kinking. This schematic is created
by modifying the cartoons by Sterling & Moore (2004) and Kuridze et al. (2013).
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Appendix A

Determination of Typical Values of

Alfvén Speed and Plasma β

In this appendix chapter, we determine the typical values of several significant variables

that are used to analyze and discuss the results of our simulations: the Alfvén speed

and plasma β. Those variables cannot be determined by the initial condition because

the coronal magnetic and hydrodynamic variables are determined by the evolution of the

emerging field.

Since we use those variables to discuss the results of eruptive cases, we consider

Case P. Figure A.1 displays the contour plots of magnetic field, plasma β, and the Alfvén

speed on the x = 0 plane presented in Figure A.1 (a) at t = 350τ0. In this thesis,

we use the reference Alfvén speed vA0 = 14v0 for the normalization to compare the

simulation values to the observational ones. This adopted value corresponds to vA around

(x, y, z) = (0, 0, 320H0). Besides, we notice that the value of plasma β around (x, y, z) =

(0, 0, 320H0) is ∼ 0.5, which is much higher than the value in the real Sun ∼ 0.01. This

difference is used to explain the difference between our simulations and observations in

Chapter 6.

We should take it into account that the values of those variables strongly depend on

the position and time in the simulations. Therefore, we cannot assume those variables are
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Figure A.1: (a)-(d) Case P at t = 350τ0. (a) Calculated plane (navy) is displayed with field
lines passing through the plane. (b)-(d) Two-dimensional contour plots of the following
variables. (b) Magnetic field. (c) Plasma β. (d) Alfvén speed.

uniform and constant; it is highly improper to regard a certain value of each variable as

the typical one of this whole simulation. However, for the purpose of comparison with

observations, we adopt those values for the limited uses as we understand the difficulties

stated above (see Chapters 4, 5, 6 for the analyses using those values).
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Appendix B

Comparison of the Electric Current

Structures of Simulations with the

Pre-flare Brightening in AIA 131 Å and

94 Å

This appendix chapter presents a suggestive finding of this thesis. The proceeding study

by Toriumi et al. (2014) reproduced a quadrupolar active region; in particular, they aimed

at reproducing the first X-class flare-producing active region in Solar Cycle 24: NOAA

AR 11158. This active region was a typical quadrupolar active region with a δ-sunspot

in the center (see Figure 1.12). The X2.2 class flare in AR 11158 produced a CME but

the location of the flux rope was unclear (see Schrijver et al., 2011), although the flare

ribbon covering all of the four polarities implied that the flux rope occupied the whole

quadrupolar system.

Just before the X2.2 class flare brightening, two colliding J-shaped pre-flare bright-

ening was observed in AIA 131 Å (∼ 11 MK) and 94 Å (∼ 8 MK) (see Figure B.1 (a)

for AIA 131 Å and a movie provided online by Schrijver et al. (2011) for AIA 94 Å and

the time evolution in each channel). Those temperatures are much higher than the mean
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coronal temperature, suggesting the existence of additional heating. Although the heating

mechanisms of the pre-flare hot structures are still unknown (Lee et al., 2015b), the heat-

ing in the high current density region (i.e. the Joule heating and reconnection) is one of the

possible candidates. Therefore, the structures of current density might correspond to such

high temperature structures. In our simulations, electric current structures, resembling the

observed two J-shaped structures, are formed before the flux rope eruption. Figure B.1

(c) shows the current density on the z = 20H0 plane at t = 150τ0 in the case presented in

Chapter 3. We notice that the two J-shaped structures correspond to the reconnecting field

lines in Chapter 3, which might come from the compression of the magnetic field at the

center. The reconnection is the pre-flux rope formation process; hence it occurs before a

flare and an eruption. This similarity suggests that the two bipole-originated field lines

merging at the center existed just before the X-class event in AR 11158. Then, the recon-

nection in the center and the flux rope eruption may have occurred just after the pre-flare

brightening as the main process of the X-class flare event. Since the electric current struc-

tures cannot be compared directly to the observation, this finding is just an implication

for a possible explanation of the pre-flare brightening. However, since pre-flare events are

significant for space weather, namely the prediction of large flares and CMEs, we report

this finding for the future studies on that.
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Figure B.1: (a)-(b) Snapshots of NOAA AR 11158 just before the X2.2 flare event taken
by SDO at UT 2011 February 15 01:45. (a) AIA 131 Å . (b) HMI magnetogram (vertical
magnetic field). (c) Electric current density on the z = 20H0 plane at t = 150τ0 in the
case presented in Chapter 3, over-plotted on the photospheric magnetic field.
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Appendix C

Dependence on Radius of Subsurface

Flux Tube for Photospheric Evolution

As mentioned in Chapters 5 and 6, the value of Bϕ/Bx may be significant for the at-

mospheric evolution. Since Bϕ is given as Bϕ = qrBx, the value of the radius of the

subsurface flux tube is as important as the twist parameter q, whose effects are examined

in Chapter 5. As referred to in the previous chapters, we adopt Rtube = 3.5H0, which is

larger (smaller) than that of Toriumi et al. (2014) (Fang & Fan, 2015).

In this appendix chapter, we present a supplementary result of a parameter survey on

the radius of the flux tube. Because of the limitations of computational resources, we see

the parameter dependence in a short range of the parameter, which is much smaller than

the value adopted by Fang & Fan (2015). In these supplementary calculations, we only

focus on the photospheric evolution. Here, we take Btube = −15B0 that is the same as in

Chapter 3 and Section 5.1 in Chapter 5.

Table C.1 summarizes the cases and results of the parameter survey in Appendix C.

The results of Case C1 and C7, whose radius is 3.5H0, are presented in Chapter 5. In Case

C1 to C7, the radius Rtube and the perturbation location xd vary proportionally. This is

because the size of the resultant active region is determined by the two parameters; hence

we can compare the effects of the radius on a scale proportional to it by changing the
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two proportionally. Since we perform simulations in a relatively small parameter range,

the box size does not affect significantly. The results of Case C1 to C7 indicate that

when the radius Rtube and the perturbation location xd increase for the constant q, the

photospheric evolution changes from the (head-on) collision to the merging with shearing

motions. These results indicate that the value of Rtube is also important for the evolution

of the emerging field, which is in agreement with our conjecture based on that Bϕ/Bx is

significant for the evolution of the emerging field.

Case C8 (C9) is conducted to examine the results of when we change only the ra-

dius (the perturbation location) from Case C1. In both Case C8 and C9, the (head-on)

collisions are observed, suggesting the both parameters are necessary to give rise to the

shearing motions (as Case C3). These results make it difficult to understand the depen-

dence on the radius; the effects of the radius can work only when the position of the

perturbation is properly set. Nevertheless, at least we confirm that the increase of the

radius can work in the same manner as that of the twist in some cases, which may justify

using larger q in a simulation on a smaller scale than the real one, as discussed in Chapter

6. However, in order to understand the real solar value of the twist and radius of the flux

tube and the resultant evolution, realistic simulations must be performed as claimed in

Chapter 6.
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Table C.1: The cases and results of the parameter survey in Appendix C.
Case Twist qH0 Radius Rtube/H0 Perturbation xd/H0 Photospheric evolution
C1 0.025 3.50 20 C
C2 0.025 5.25 30 S
C3 0.025 7.00 40 S
C4 0.375 3.50 20 C
C5 0.375 5.25 30 S
C6 0.375 7.00 40 S
C7 0.050 3.50 20 S
C8 0.025 7.00 20 C
C9 0.025 3.50 40 C

Notes–

• C: (Head-on) Collision.

• S: Shearing motions.
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